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Interactions and mergers play important roles in the evolution of galaxies. In this Master’s thesis
I have studied some basic properties of merging galaxies using numerical simulations. I have
created initial conditions for equal-mass disk galaxy mergers and run the simulations using the
numerical simulation codes GADGET-3 and its recently updated version SPHGal. In this Thesis
I have also reviewed the basic physics modeled by GADGET-3 and the differences between the
astrophysical subresolution models in the standard GADGET-3 and SPHGal versions of the code.
The aim of the Thesis was to see how different initial conditions affect the mergers of disk galaxies,
and how the updated astrophysics affect the properties of the mergers. The simulations were
run on the supercomputer Sisu and the supercluster Taito at CSC, the Finnish IT Center for Science.
From the results of the simulations I have studied the effect of having a dark matter halo with
either an NFW density profile or a Hernquist density profile. Four observed mergers were succes-
fully reproduced with NFW profiles using position and velocity maps, and then compared to their
Hernquist profile analogues. By comparing the results of the mergers between galaxies with the
two types of haloes, I found that the steeper gravitational potentials of the NFW haloes produced
more prominent tidal tails than the Hernquist haloes. The more compact morphology of the disks
within the Hernquist haloes before the final coalescence enabled also faster coalescence times in
the Hernquist halo mergers. As expected, the NFW halo mergers experienced slower orbital decay,
were more violent, experienced higher star formation rates and produced thus 2 − 17% more new
stars than the Hernquist halo mergers.
In the Thesis I have also studied the effect of the updated subresolution models on the star formation
process in the merging galaxies. The star formation in the standard GADGET-3 is self-regulated,
whereas the star formation in SPHGal is regulated by detailed feedback processes. The star for-
mation rates vary both spatially and on much shorter time scales in the SPHGal compared to the
analogous simulations with the standard GADGET-3. I analyzed also the metal yields in the mer-
ger remnants of the Antennae galaxies, and found a metallicity gradient within the inner 2 kpc
from the center of mass of the remnant. A gradient was also present in the oxygen abundance of
the remnants, following the fact that the metallicity was dominated by the abundance of oxygen.
Gradients in the inner regions of the merger remnants are to be expected, since star formation is
most active in the central regions of the remnant.
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Chapter 1
Introduction
1.1 The Evolution of Galaxies
Before the discovery of dark matter and its impact on the ﬁeld of extragalactic astronomy,
it was thought that galaxies seldom merge or even interact with each other. This was
because the cross-section of the luminous part of a typical galaxy is at most few tens of
kiloparsecs squared. Even though the number of galaxies outside of our own neighbourhood
was found out to be quite large, their numbers would hardly be large enough to enable these
seemingly lonely island universes to collide. Evidence on the existence of dark matter such
as the motions of stars in galaxies and the motions of galaxies in clusters was eventually
provided by Vera Rubin and her colleagues in the 1970’s. During the last few decades a
favoured cosmological model has emerged, where the most abundant form of matter is the
non-relativistic cold dark matter, which interacts only through gravitational and possibly
through weak forces. It has been realised that the masses of galaxies are actually tens
of times larger and the cross-sections a hundredfold larger due to the dark matter haloes
surrounding the luminous inner parts.
Modern structure formation theories describe, how all the galaxies we see in the night
sky had their seeds in the primordial Universe, where tiny matter density perturbations left
behind by cosmic inﬂation began to grow towards gravitational collapse. The most weakly
interacting dark matter was able of collapse without resisting forces such as thermal or
radiation pressure. Dark matter was thus able to form into denser spherical haloes, with
a wide variety of sizes, within which gas was also condensing into denser structures. The
matter concentrations accreted more matter and merged into bigger structures following
the growth of the large scale structure, therefore evolving from bottom to top hierarchically.
As the haloes grew in the early Universe, their masses grew by orders of magnitudes.
When the mass of a halo exceeds roughly the value of 108 M�, the gravitational potential
of the halo is large enough to be able to hold hot gas with T > 104 K that has fallen into
it. The ﬁrst stars formed already in the centers of smaller 106 M� mini-haloes, and more
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lit up during the growth of the haloes. The more than ∼ 108 M� systems of gas, stars and
dark matter could ﬁnally be called galaxies, and this is where galaxy evolution began.
Galaxies residing in galaxy groups are thus evolving bottom-up in a rich environment
full of interactions. These galaxy groups harbour typically tens of galaxies with diﬀerent
masses inside megaparsec-scale regions, and as they are gravitationally bound, the galaxies
within them tend to collide. This is also the case with Milky Way and Andromeda, our
closest disk galaxy companion: they have been gravitationally bound from very early
times, and they will eventually merge. The Milky Way and Andromeda might thus form
in the future a typical setting in the bottom-up scenario, where merging disk galaxies rich
with cold gas experience high star formation rates and heat up the remaining gas during
their merger. This merger scenario is one of the ways to form massive elliptical galaxies,
which have been considered as one of the ﬁnal products of galaxy evolution.
The interactions at low redshifts (z) are easiest for us to observe (Fig. 1.1), not only
because they are better resolved, but also because the surface brightnesses of galaxies fall
as ∼ (1+ z)−4. However, the merger rate of dark matter haloes and therefore galaxies has
varied as a function of redshift (Carlberg, 1990). The merger rate of haloes is speciﬁed
by the position and velocity distribution of matter in the Universe, therefore the merger
rate in the hierarchical structure formation scenario follows the growth of the large scale
structure of the Universe (Carlberg, 1990). With constantly improving telescope technol-
ogy and observational techniques we are thus able to see snapshots of the evolution of
galaxies increasingly further in the past. These observations provide constraints on the
initial conditions of our numerical simulations, and help us to compare the outputs and
results of the simulation codes with the actual evolution of the Universe. This way we
can describe the past, present and future of for example Milky Way and Andromeda, even
though we ourselves only occupy a tiny fraction on the timeline of the Universe.
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Figure 1.1: A multiwavelength image of the nearby galaxy M82 at a distance of 3.5 mega-
parsecs, composed of Hubble, Spitzer and Chandra observations (NASA, ESA, CXC, and
JPL-Caltech, 2006). This galaxy shows strong star formation activity, which is caused by
the interaction with a nearby disk galaxy M81. The dust and gas, blown out of the star
formation regions, glow in infrared and are indicated with red in the picture. Blue regions
indicate the X-ray emission coming from the relativistic electrons accelerated by the super-
massive black hole at the center of the galaxy. The white and greenish glow represent the
stellar disk of the galaxy.
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1.2 Historical Overview
Research related to the evolution of galaxies dates back to the 1940’s. Erik Holmberg
utilized light as an analogy to gravity, and simulated by hand the interaction of two
galaxies consisting of a few dozens of light bulbs (Holmberg, 1941). Since then, with the
aid of computers, the research community has advanced in leaps by creating methods to
describe both the dynamics and physics involved in the complex interplay of galaxies.
However, the ﬁrst study which truly initiated the ﬁeld was done by Juri Toomre and Alar
Toomre in 1972 (Toomre and Toomre, 1972, TT72 hereafter). The work in TT72 consisted
of three dimensional collisionless test problems, and though very simpliﬁed, the work
demonstrated the connection between tidal forces during a merger and the morphology of
observed peculiar galaxies.
Gravity, which describes the collisionless behaviour of dark matter and stars, is straight-
forward to implement into simulation codes. The work in TT72 was extended and con-
ﬁrmed with fully self-consistent studies by e.g. White (1978) and Barnes (1988, 1992) who
used realistic galaxy models including three dimensional dark matter haloes and stellar
disks and bulges, but excluded gas. The notion in TT72, that elliptical galaxies might
be the end products of galaxy mergers, was also further reinforced. As the number of
particles in the simulations grew, the computational load of directly calculating the grav-
itational force acting on each particle began to grow impractically large since it scales as
the square of the number of particles, that is O(N2). To reduce the computational cost,
O(N log(N))-scaling gridless tree-algorithms have been employed, which simplify the force
calculation using multipole moments. One of the best known, eﬃcient tree- algorithms is
the Barnes-Hut -algorithm (Barnes and Hut, 1986), which is in wide use especially in as-
trophysical simulations which span large range of spatial scales. The Barnes-Hut -method
is also one of the core components of the simulation code used in this Thesis.
The importance of including gas and the related collisional physics was already men-
tioned in TT72. TT72 compared the merging of gas-rich galaxies to ”stocking the furnace”
due to the induced star formation and subsequent brightening of probable galaxy mergers
at various wavelengths. However, the dissipational behaviour of gas requires more complex
physics in addition to Newtonian gravity, such as thermodynamics and hydrodynamics.
The derivation of Smoothed Particle Hydrodynamics (SPH) in 1977 by Lucy and Gingold
& Monaghan has provided one of the ways to include gas in simulation codes as discretized
particles instead of a continuous ﬂuid. Combined with the tree-methods, the inclusion of
gas made it possible to simulate a wide range of phenomena related to the physics of gas
and star formation such as the cosmological growth of structure, the formation of galaxies
and the evolution of quasars and other bright objects.
One of the milestones of extragalactic simulations was achieved by Volker Springel
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and his colleagues in the early 2000’s, when he published his simulation code GADGET.
The code and its later versions combine the Barnes-Hut -tree method with a fourier-based
particle mesh method together with SPH into a code with almost endless applications
(Springel et al., 2001; Springel, 2005). In GADGET, the physics of gas and stars are
described by statistical subresolution models, which simulate the gross properties of the
galaxies but cannot be used to trace the evolution of the most intricate objects such as
individual stars or molecular clouds (Springel and Hernquist, 2003; Springel et al., 2005).
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1.3 Aim of This Thesis
Interactions and mergers are important phenomena in the lives of all types of galaxies.
Whether a galaxy experiences only a slightly disrupting fast encounter, or a merger with an
equally massive galaxy changing the appearance of the galaxy completely, the outcome is
eventually always dynamically diﬀerent from the initial setup. Understanding the physics
related to galaxy interactions is thus crucial for us to be able to describe the evolution of
the wide variety of galaxies that are observed on the sky.
In this Master’s thesis I will describe the most important physical concepts related to
interactions and merging of galaxies. I will also introduce the computational means with
which galaxy mergers are studied in the Theoretical Extragalactic group at the University
of Helsinki. The aim of this Thesis is to give a detailed description on the construction of
the initial conditions for the merger simulations, and the astrophysical phenomena that
is included in the simulation code used to run the simulations. I am going to investigate
the impact of having various types of initial conditions on the dynamics of the mergers,
and how the inclusion of detailed astrophysics aﬀects for example the star formation and
metal yields in the mergers.
The Thesis is constructed as follows. In Chapter 2 will be presented the mathematical
framework of phase space and the concept of dynamical friction. The theoretical merger
rate and the appearance of galaxy mergers are also discussed. In Chapter 3 will be de-
scribed in detail the creation of the progenitor galaxies and the merger setup required for
the initial conditions of the galaxy merger simulations. Chapter 4 reviews the description
of the physics and astrophysical models included in the simulation code GADGET-3 and
its recently updated version SPHGal. The results of the simulations run using GADGET-3
are presented in Chapter 5, and the results from the SPHGal simulations are presented in
Chapter 6. A summary and concluding remarks are given in Chapter 7.
Chapter 2
Theory and Observations
2.1 Dynamics of Mergers
Disk galaxies are complex structures of gas, dust, stars and dark matter. Virial radius
is often used as the deﬁnition for the outer edge of a galactic dark matter halo, based
on the theory of cosmological structure formation. The virial radius rvir of a galaxy is
where the mean overdensity ρρcrit of matter reaches the value of approximately 178, which
is the mean overdensity of a collapsed object in the theory of spherical collapse (Longair,
1998). Here the critical density ρcrit =
3H(z)2
8πG is deﬁned as the average density of a
spatially ﬂat universe, where H(z) is the redshift dependent Hubble parameter and G is
the gravitational constant. For simplicity the value of 200 for the overdensity has usually
been adopted as an approximation, from where also the name r200 for the virial radius
follows. The mass enclosed inside a sphere of virial radius is thus deﬁned as
M200 ≡ ρ4π
3
r3200 = 200ρcrit
4π
3
r3200, (2.1)
and this is considered as the total virial mass of a galaxy. To determine r200 and the total
mass of the galaxy, we need to specify the density distribution in the galaxy, and this is
discussed in detail in Chapter 3.
When disk galaxies interact, the mass ratio of the interacting galaxies helps us to
deﬁne the scale of deformations the galaxies will induce on each other. Galaxy mergers
are divided into minor and major mergers according to the mass ratio of the galaxy pair:
for major mergers the mass ratio is 3:1 or smaller, and for minor mergers the ratio is larger
than 3:1. In a minor merger of a disk galaxy and for example a dwarf galaxy, the smaller
galaxy falls during few orbits into the larger galaxy due to modest dynamical friction,
and gets ripped apart as the tidal forces acting on it grow suﬃciently large. On the other
hand, in a major merger of two equally massive disk galaxies the case is quite diﬀerent: the
strongly varying gravitational potential, the tidal tails ﬂung wide oﬀ the colliding bodies,
and the strong shocks induced by colliding gas make the structure of the merger remnant
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quite diﬀerent compared to the progenitor galaxies.
2.1.1 Phase Space
Before we can go deeper into the details of what happens when galaxies merge, we must
familiarize ourselves with the concept of phase space. Phase space is used to circumvent
the explicit solving of the motion of each separate particle in a system, when it consists of
a large amount of particles and only the collective motion of the system is of importance.
A number of particles N lingering in phase space are described by a 6N -dimensional
distribution function f ≡ f(x,v, t), where x and v are the position and velocity coordinates
and t is time. If we assume, with no signiﬁcant loss of generality, that all the N particles
are identical, then dN = f(x,v, t)dxdv describes the diﬀerential number of particles in
the range dxdv. As f is a distribution, it must be normalized over all phase space
∞�
−∞
∞�
−∞
f(x,v, t)dxdv = N, (2.2)
where the integration is done over three-dimensional x- and v-spaces. Here we have decided
to normalize f to the total number of particles in the system. If we had normalized the
distribution to have the value of 1 when integrated over the entire phase space, then the
diﬀerential dN would have been interpreted as the probability for a given particle to have
the phase space coordinates in the range dxdv.
The most advantageous property of phase space is that when we are dealing with
collisionless particles like dark matter or stars, the number density of f is always conserved.
This can be shown by formulating an equation describing the continuity of the phase space
density, very similar to the continuity equation of ﬂuid dynamics:
∂f
∂t
+
∂
∂x
· (fv) + ∂
∂v
· (f v˙) = 0. (2.3)
By using the cartesian Hamiltonian H = p·p2m +mΦ(x, t) for a particle moving in the
gravitational potential Φ(x, t) with momentum p = mv, and the Hamiltonian equations
x˙ = ∂H∂p =
p
m and p˙ = −∂H∂x = m∂Φ∂x , we can rewrite the continuity equation as
∂f
∂t
+
∂
∂x
·
�
f
p
m
�
− ∂
∂p
·
�
fm
∂Φ
∂x
�
= 0
⇒ ∂f
∂t
+
p
m
· ∂f
∂x
−m∂Φ
∂x
· ∂f
∂p
= 0
since x and ∂Φ∂x are independent of p. If we now substitute p = mv, we get the continuity
equation as a function of the phase space coordinates and the gravitational potential
∂f
∂t
+ v · ∂f
∂x
+
∂Φ
∂x
· ∂f
∂v
= 0. (2.4)
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Equations 2.3 and 2.4 are both diﬀerent forms of the co-called Collisionless Boltzmann
Equation (CBE), also known as the Vlasov equation. They describe the behaviour of
a system where the number of particles does not change and where the particles are
distributed continuously (Binney and Tremaine, 2008, BT08 hereafter; Barnes et al., 1998).
To allow a wider range of applications, a collisional term can be added as a forcing term
onto the right side of the CBE, but the solving of this equation would then become
computationally time-consuming. If we thus neglect star formation and the behaviour
of gas in galaxies, we can use the CBE to describe the behaviour of collisionless objects
such as elliptical galaxies, gasfree disk galaxies and dark matter haloes.
Another form of the CBE can be obtained when the Lagrangian derivative is operated
onto f , i.e.
df
dt
≡ ∂f
∂t
+
dx
dt
· ∂f
∂x
+
dp
dt
· ∂f
∂p
.
Using again the deﬁnitions p = mv, dpdt = p˙ = m
∂Φ
∂x and v =
dx
dt , the similarity with the
CBE can be straightforwardly seen. The Lagrangian derivative, and thus the CBE, can
be rewritten in its simplest form
df
dt
= 0. (2.5)
As the Lagrangian derivative describes the ﬂow of the phase space density from the point
of view of a particle, the equation above means that the phase space density is conserved
on all trajectories.
The implications of this simple form of equation 2.5 are important in understanding
why objects in merging galaxies behave as they do. Let us consider a group of stars in a vol-
ume ΔxΔv dwelling in phase space. The conservation of phase space density requires the
product ΔxΔv to be constant. If we spread the stars in the spatial directions, i.e. increase
Δx, we must accordingly decrease the spread in velocity space Δv. In other words, when
the spatial density of the group of stars decreases, the velocity dispersion increases. This is
why for example the thin tail-like structures around major mergers are formed; objects on
the outer edges of the merging galaxies are swung into larger orbits with wide range of ve-
locities, and to conserve the phase space density they form long, thin and dense structures.
2.1.2 Dynamical Friction
The distribution function f has other applications besides the CBE. The eﬀect of dark
matter on galaxy interactions is based on the concept of dynamical friction which causes
the orbital decay of the interacting galaxies. The basic idea behind dynamical friction is
the gravitational drag force a uniform ﬁeld of particles induces on a single massive particle
passing through, as illustrated in Fig. 2.1. On larger scales, this can be interpreted as
10 2.1. DYNAMICS OF MERGERS
the transfer of the systematic motion, or the relative orbital motion, of the two passing
galaxies into random motions of the individual particles inside the galaxies.
Figure 2.1: An illustration of the eﬀect of dynamical friction. The small galaxy, marked
with blue, travels through a uniform ﬁeld of stars. The gravity of the small galaxy causes
the ﬁeld stars to gather behind it on the travelled path. The gravitational wake behind the
small galaxy poses a drag force, and thus decreases the velocity of the small galaxy.
For simplicity, let us assume a minor merger where both of the galaxies consist only of
stars and where one of the galaxies is much less massive than the other. The small galaxy
with mass M and velocity vM is considered to be a point mass, and the larger galaxy
consisting of individual point masses with ma � M , is approximated as an inﬁnite and
homogenous disk (see Fig. 2.1). As the small galaxy passes through the disk of the larger
galaxy, the velocity vM decreases at a rate of
dvM
dt . Chandrasekhar derived a solution for
the rate of change in 1943 by assuming an isotropic velocity distribution va for the ﬁeld
stars and arrived at one of his well known formulas
dvM
dt
= −16π2G2Mma lnΛvM
v3M
vM�
0
f(va)v
2
adva, (2.6)
named Chandrasekhar’s dynamical friction. In equation 2.6 the term lnΛ is the Coulomb
logarithm. The factor Λ can be expressed as the ratio between the maximum inﬂuence
radius bmax and the radius b90◦ for a 90
◦ deﬂection as Λ ≈ bmaxb90◦ . The maximum inﬂuence
radius can be interpreted as the orbital radius R of the small galaxy, and the 90◦ deﬂection
radius is deﬁned as GM
v2
, thus Λ ≈ Rv2GM . As the velocity of the small body around the host
galaxy of radius Rh and mass Mh can be expressed as v
2 ≈ GMhRh , the Coulomb logarithm
can be transformed into a neat form of lnΛ ≈ MhM RRh (BT08).
Equation 2.6 shows, that only the ﬁeld stars in the large galaxy that are moving slower
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than the small galaxy produce a drag force. The force acting on the small galaxy is also
always opposite to the motion of the small galaxy, hence the name friction force.
A few enlightening examples of the behaviour of dynamical friction can be obtained
by assuming simpliﬁed values for the velocities va and vM. Let us begin by assuming a
Maxwellian distribution for the ﬁeld star velocities
fa(va) =
n
(2πσ2)3/2
e−v
2
a/2σ
2
,
where n is the number density of the ﬁeld stars and σ is the one-dimensional velocity
dispersion. We can now integrate equation 2.6 into the form
dvM
dt
= −4πG
2Mnm lnΛ
v3M
vM
�
erf
�
vM√
2σ
�
−
√
2vM√
πσ
e−v
2
M/2σ
2
�
, (2.7)
which indicates only a dependency on the mass density nm of the ﬁeld stars, and no de-
pendency on the mass of the individual objects in either of the galaxies. The error function
erf(x) in the equation above follows from integration by parts, and it is an exponential
integral deﬁned as
erf(x) ≡ 2√
π
x�
0
e−t
2
dt,
since we are integrating over a Maxwellian distribution.
We can simplify Eq. 2.6 further by setting the velocity vM of the small object to be
small. In this way the distribution function can be approximated as constant f(va) ≈ f(0),
and the integral becomes simply
� vM
0 f(0)v
2
adva =
1
3v
3
Mf(0). Now the rate of change of the
velocity becomes linear with velocity
dvM
dt
= −16
3
π2G2Mma lnΛf(0)vM, (2.8)
and we can see that the faster the small galaxy travels, the larger the friction directed
at it becomes. This form of the dynamical friction resembles the familiar ﬂuid resistance,
and it is an appropriate approximation for example for an intermediate mass black hole
lingering in a globular cluster and falling slowly into the center of the cluster.
On the other hand, if the velocity of the satellite is large, then the individual motion
of the ﬁeld stars becomes negligible in comparison. As the upper limit of the integral
in Eq. 2.6 is large, the integral includes almost the whole distribution f(va). We have
earlier normalized our distributions to the total number of particles, so the integral of a
distribution function over the particle velocities gives the number density of the particles.
The integral in the Chandrasekhar formula is actually based on the spherical integral of
f(va) over velocity space �
va
f(va)dva =
�
Ω
dΩ
�
va
f(va)v
2
adva,
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so if we integrate over approximately the entire velocity space, we get
vM�
0
f(va)v
2
adva ≈
∞�
−∞
f(va)dva�
Ω
dΩ
=
n
4π
where n is the number density of the ﬁeld particles. The friction now gets the form
dvM
dt
= −4πG2Mman lnΛvM
v3M
. (2.9)
The equation above clearly shows, that the slower the small galaxy travels through
the ﬁeld, the larger the friction is. This form of dynamical friction is particularly useful
when galaxy groups are considered, where the relative velocities of the objects are of the
order of hundreds of kilometers per second and where in fact most of the observed merging
galaxies have been found (BT08; Mo et al., 2010, MBW10 hereafter).
There are some problems with the Chandrasekhar formula, such as the inﬁnitely large
galaxy and the lack of self-gravity in the disk of the larger galaxy. From the simple formulae
2.6-2.9 it can still be seen, that the more massive the body experiencing dynamical friction
is, the larger the force acting on the body is. Here we have only considered the eﬀect of the
disk on the orbital decay; the inclusion of a dark matter halo enhances the orbital decay
and the consumption of minor galaxies by large galaxies greatly (Tremaine, 1981; Barnes,
1988). Dynamical friction is thus in general an eﬃcient way of transforming ordered,
orbital motion into internal degrees of freedom of the particles in both of the interacting
galaxies.
Even though the equations of dynamical friction were obtained using approximations
of minor mergers, the same physical picture also applies to galaxies in major mergers.
The detailed inspection of what happens in major mergers forces the conditions of Chan-
drasekhar formula to fail, since the mass of the smaller galaxy approaches the mass of
the larger galaxy. The smaller galaxy can no longer be treated as a point mass, as it has
its own number density, velocity dispersion and internal structure which have to be taken
into account. Thus the complexity of the problem becomes too large to be calculated an-
alytically. This encourages us to perform high resolution galaxy merger simulations using
N-body implementations.
2.1.3 Phase Mixing and Violent Relaxation
When a major merger is considered, the state of each of the galaxies is far from the
equilibrium. The sudden changes in the gravitational potentials and orbital motions make
it seem like the conservation of energy or phase space density might be broken. A cursory
view of the concepts of phase mixing and violent relaxation is thus in order.
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Phase mixing describes, how originally empty volumes of phase space get mixed with
volumes where particles already exist. If we consider a coarse-grained version of the
distribution function f , we get f¯ consisting of measurable, macroscopic sections of the
phase space. In the beginning f and f¯ are equal (left panel of Fig. 2.2), but as time
proceeds, the diﬀerent sections of f get separated and mixed with each other due to minor
diﬀerences in their initial properties. On small scales, the density of f is always conserved
as noted before, but if we look at a macroscopic section of the phase space (right panel of
Fig. 2.2), it seems that the density of f¯ has decreased. To us it looks like the density of
the phase space is not conserved, even though it is only a result of the fact that we can in
practice examine only the coarse-grained phase space distribution.
Figure 2.2: A demonstration of phase mixing presented using a velocity-position diagram.
The grey distribution of matter gets wound up and mixed during the evolution of the system.
When the same section of the phase space is compared in the beginning (left) and after a
time t (right), the coarse-grained density circled with black decreases as the distribution of
the ﬁne structure seems to even out (MBW10).
When a disturbed galaxy reaches equilibrium again, the process is called relaxation.
Since the density of the coarse-grained f¯ ceases to evolve when the ﬁne structure of
the galaxy is completely mixed, phase mixing can be considered as a relaxation pro-
cess (MBW10). Another crucial relaxation process in major mergers is violent relaxation.
In contrast to changes in phase space properties and the loss of details caused by phase
mixing, violent relaxation changes the energies of the objects in the merging galaxies.
When two galaxies get closer to each other, their mutual gravitational potential be-
comes deeper. In a ﬁxed potential the energy per unit mass of an object E = 12 |v|2+Φ(x, t)
remains constant, but when the galaxies move past each other, the violent variations of
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the gravitational potential cause the energy to vary as
dE
dt
=
∂E
∂v
dv
dt
+
∂E
∂Φ
dΦ
dt
. (2.10)
Using again the versatile deﬁnitions of the force
F = p˙ = v˙ = −∇xΦ = −∂Φ
∂x
we can write the rate of change in the energy of an object as
v · (−∇xΦ) + ∂Φ
∂t
+
∂Φ
∂x
∂x
∂t
= −v ·∇xΦ+ ∂Φ
∂t
+ v ·∇xΦ = ∂Φ
∂t
, (2.11)
implying simply
dE
dt
=
∂Φ
∂t
. (2.12)
The implications of this relation are quite straightforward. When the galaxies are at
perigalacticum, their mutual gravitational potential has its peak value. Depending on
whether an object is in the inner or the outer parts of the galaxies, they will either loose
or gain energy. The objects in the inner parts try to climb out of the well when it is at its
deepest, while the objects coming from the outer parts will gain velocity when falling into
the deeper well. This means, that the total energy of the galaxies gets redistributed among
the individual objects. The total energy of the galaxies is not increased or decreased when
the galaxies coalesce, instead only the energies of the individual objects vary (Barnes et al.,
1998; BT08; MBW10).
2.2 Merger Rate
The rate of mergers has not been constant as a function of time. In the early Universe the
fraction of small galaxies was much higher than today. This is related to the hierarchical
structure formation: the massive galaxies we see today were assembled from a multitude of
smaller haloes and galaxies through mergers. Since galaxies evolve within their dark matter
haloes, the merger rate of galaxies can be deduced from the evolution of the gravitationally
dominating haloes. The left side of Fig. 2.3 shows a schematic merger rate of equal-mass
haloes as a function of redshift for three halo masses based on the ΛCDM cosmology. As
can be seen in the ﬁgure, the merger rate of haloes grows as a function of redshift, as
well as an inverse of the halo mass. The less massive haloes (∼ 1010 M�) have their peak
merger rate just around the time when the haloes are formed at redshifts 12 upwards,
while for the more massive haloes, equal-mass mergers are possible only after the number
of massive galaxies is suﬃcient for the interactions to be probable.
When we concentrate speciﬁcally on mergers of galaxies with larger mass ratios such
as 1:10 or 1:100, the past has been indeed quite violent. According to the hierarchical
structure formation theory, the number of dark matter haloes and therefore galaxies formed
CHAPTER 2. THEORY AND OBSERVATIONS 15
Figure 2.3: Left: Theoretical merger rate of equal-mass galaxies as a function of redshift in
ΛCDM cosmology. The three curves represent the diﬀerence in merger rate as a function
of the halo mass before the merger. Right: A theoretical halo mass function, i.e. the unit
mass density per unit mass as a function of the halo mass, adopted from ΛCDM cosmology.
The triangles represent a set of observations of the galaxy luminosity function scaled to the
mass-to-light ratio of 220M�/L�; note how the luminosity proﬁle diﬀers from the mass
proﬁle due to the non-luminous dark matter. Both plots are adopted from BT08.
grows exponentially towards lower halo masses, as shown by Press and Schechter in 1974.
In Fig. 2.3 is plotted the total mass per unit volume Mdn per unit mass dM , i.e. MdndM =
dn
d lnM as a function of halo mass in the standard ΛCDM cosmology. The relative number
dn1
dn2
of two halo massess M1 and M2 with a mass ratio m can be interpreted from Fig. 2.3
simply as
M1
M2
dn1/dM1
dn2/dM2
=
M1
mM1
dn1/dM1
dn2/(mdM1)
=
dn1
dn2
since M2 = mM1 and dM2 = mdM1. It follows that, for example, for every 10
12M� halo
there exists roughly
M10
M12
dn10/dM10
dn12/dM12
≈ 10
−3
10−5
= 100
haloes with a mass of 1010M�. Hundreds of smaller haloes are therefore formed per one
massive halo. However, the larger number of smaller mass haloes does not straightfor-
wardly give the merger rate as a function of redshift. In addition to the number density of
formed haloes, the evolution of the large scale structure of the Universe and position and
velocity distribution of the haloes aﬀects the merger rates in a complex way, as shown in
the left side panel of Fig. 2.3.
The same sort of mass distribution applies to the galaxies embedded in the dark matter
haloes, though the galaxy masses experience a cut-oﬀ below the halo mass ∼ 108M�.
Below this halo mass the gravitational potential of a halo is too weak to retain most
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of the gas heated above ∼ 104 K by photoionization from the newly formed stars, and
heated further by the ﬁrst supernovae. The relative number of smaller mass galaxies to
massive galaxies is nonetheless high, so the massive galaxies tend to have tens to hundreds
of small satellite galaxies trapped in their gravitational potentials. This combined with
our knowledge of dynamical friction implies that the massive galaxies go through a large
number of minor mergers during their lives. As an example, the Milky Way has gone
through about 100 minor mergers so far, and it has at present at least 23 visible nearby
satellites orbiting it, slowly falling into the galactic disk (Strigari et al., 2008).
2.3 Appearance
2.3.1 Merger Indicators
As can be readily assumed, mergers induce considerable changes in the appearance and
inner structure of the participating galaxies. The transformations, which are often called
tidal traumas, consist of wide variety of artifacts visible in observations over the whole
electromagnetic spectrum.
In major mergers the stellar distribution changes quite rapidly before the relaxation
processes have time to take eﬀect. The galaxies end up on decaying elliptical orbits, and
the stars in the outskirts of the galaxies have the least amount of binding energy. This
leads to a situation as in Fig. 2.4, where every time the galaxies pass their apo- and
perigalacticum, the outermost stars get ﬂung onto wide orbits when they fail to make the
turn along with their host galaxies. In this way the stars gain velocity, and to conserve the
phase space density they form long and narrow structures named tidal tails (TT72; Barnes
and Hernquist, 1992). These tails are usually clearly visible in optical images. Some gas is
always ﬂung along the stars, and the self-gravity of the gas causes star formation in the tidal
tails. The newly formed stars are obscured by dust, which is in turn heated by the stars
and seen emitting at the infrared (IR) wavebands. In fact the star formation in these tidal
features can be expected to be eﬃcient, since further away from the central regions of the
galaxies the gravitational potential is dominated by the cloud’s own self-gravitation. These
tidal tails can thus further evolve into gravitationally bound globular clusters and can be
visibly separated from the remnant long periods after the mergers have already settled
down (Elmegreen et al., 1993). The clusters of stars might even resemble dwarf galaxies,
which diﬀer from the dwarf galaxies formed through the standard hierarchical scheme
mainly by their dark matter content. The dissipationless dark matter is not concentrated
in the plane of the galactic disk, so where the hierarchical dwarfs are embedded inside a
dark matter halo, the tidal dwarfs are expected to lack dark matter.
Other clear visible tidal features include the temporary stellar bridges formed between
similar sized interacting galaxies, grand design spiral arms and counter arms, all visible
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Figure 2.4: An interacting galaxy pair UGC 8335 (NASA, ESA, the Hubble Heritage
(STScI/AURA)-ESA/Hubble Collaboration, and A. Evans, 2008). The galaxies in this
image have past their ﬁrst pericenter, and are nearing their ﬁrst apocenter. This pair
shows multiple tidal features such as the tidal tail in the leftmost upper corner, the gradually
dissolving galactic bridge between the galaxies, and the wide counter arm on the right side
of the image.
in Fig. 2.4. Particularly fascinating tidal remnants are the shell-like structures around
otherwise stable elliptical galaxies, as shown in Fig. 2.5. These shells, ripples and X-
shaped features are clear indications of the fact that those elliptical galaxies might have
formed through major mergers or have undergone recent minor mergers. Elliptical galaxies
are dynamically hot, meaning that their velocity dispersion is of the same order as their
rotational velocities, usually of the order of few hundreds of kilometers per second. This
prevents the kind of ordered structures such as tidal tails or spiral arms from forming within
them without external perturbations. The shell structures have thus been proposed to
represent for example destroyed satellite galaxies or tidal tail remnants left behind by the
major merger from which the elliptical galaxy might have formed (Mihos and Hernquist,
1996; Kormendy et al., 2009).
A more violent picture is seen, when a merger is viewed at longer wavelengths such
as infrared or radio wavelengths (see Fig. 1.1). When disk galaxies with rich gas content
merge, shocks and consequent starbursts are induced in the interstellar gas. Gas is able to
dissipate its energy as thermal radiation, and when it shocks within the colliding galaxies,
it looses its angular momentum and falls into the center of the galaxy remnant. This
causes again strong shocks, where a large fraction of the total gas content is packed into
the center of the galaxy remnant, creating bursts of star formation. The HII clouds within
the star forming regions are seen bright with Hα emission, and the dust surrounding the
star forming regions heated by the new stars emits a strong IR continuum.
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Figure 2.5: The elliptical galaxy NGC 474 (P.-A. Duc (CEA, CFHT), Atlas 3D Collabo-
ration, 2011). In short exposures the galaxy seems featureless. In stacked or deep exposure
images the view is quite diﬀerent: the shells seen around the elliptical might be caused by
the disk galaxy nearby, or multiple minor mergers.
One of the most luminous types of galaxies are the LIRGs and ULIRGs, luminous and
ultraluminous infrared galaxies, which shine with infrared luminosities of 1011-1012L� and
> 1012L�, respectively. Observations of (U)LIRGs have shown, that these objects have
typically disturbed single or binary nuclei and indications of tidal traumas, and that the
excess radiation comes from the central regions of the galaxies. The evolution of (U)LIRGs
can be traced back by comparing various observations of (U)LIRGs in diﬀerent phases of
their evolution, and the activity of the nuclei is observed to be caused in many cases by a
major merger of two disk galaxies (Dasyra et al., 2006; Veilleux et al., 2009).
In the early stages, just after the ﬁrst pericenter and before the ﬁnal merger, the main
contributor to the luminosity of an (U)LIRG is the abundant dust heated by the young
stars embedded in the dust. As the nuclei begin to merge, the supermassive black holes, if
present, begin to play their part and begin to heat up the surrounding gas and dust, and
accelerate ionized gas and electrons into relativistic jets. This is when the radiation in the
mergers is dominated by the newly lit active galactic nucleus (AGN). The accretion disk
around the supermassive black hole emits strongly at X-ray and ultraviolet wavelengths,
and the jets are seen at radio wavelengths due to the relativistic electrons (Veilleux et al.,
2009). When viewed in the direction of the dusty torus around the central regions, the
radiation from the accretion disk gets absorbed and re-emitted by the dust in the torus
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and is instead seen as strong IR radiation (Antonucci, 1993). This makes it diﬃcult to
distinguish whether the main source of energy in an (U)LIRG is the star formation or
the AGN. If the supermassive black holes are indeed present, then after the merger of the
nuclei the merger remnant shifts from being a clear (U)LIRG into resembling for example
a quasar.
2.3.2 Observed Mergers
When interacting galaxies show prominent tidal features, their individual appearances can
be easily recognized, and if the merging galaxies are close to us, they can be observed with
high resolution in great detail. If one inquires any astronomer for an example of a galaxy
merger, the answer will most probably include either the Antennae or the Mice galaxies,
which have quite distinguishable appearances. These galaxy pairs have been thoroughly
analyzed at a wide range of wavebands, and especially their kinematic characteristics have
been presented in numerous studies. This is why the Antennae and Mice galaxies are often
used as test examples for numerical simulations.
A Sample with Four Mergers
The sample of simulations in this Thesis consists of four equal-mass mergers. The mod-
els are based on the observations of NGC 4038/4039 (the Antennae), NGC 4676A/4676B
(the Mice), NGC 5257/5258 and NGC 2623 and the orbital parameters employed by in
the numerical study of Privon et al., 2013. All of these mergers have been kinematically
mapped in position-velocity space by observational surveys, and the maps can be used as
indicators of the correct viewing angles of simulated mergers. Below a short descriptions
of the fundamental properties of these four merging systems can be found.
The Antennae
Probably the most well-known merger in the local Universe is the NGC 4038/4039,
nicknamed the Antennae by its appearance (see left panel of Fig. 2.6). The Antennae
is a disk galaxy merger at a distance of ∼ 20 Mpc in the constellation of Corvus. The
most remarkable features of the Antennae are the clear tidal tails indicative of a prograde
merger, extending over 20 arcminutes from tip to tip, which corresponds to roughly 120
kpc in length. The central region of the Antennae, shown in the right panel of Fig. 2.6,
harbours most of the molecular gas and more than 1000 young stellar clusters forming
from the disk material of the progenitor galaxies (Whitmore and Schweizer, 1995). Most
of the numerical simulation studies, concerning the evolutionary state of the Antennae,
place it somewhere between the ﬁrst and the second passage (TT72; Barnes, 1988; Mihos
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Figure 2.6: The complete structure of the Antennae (left) (Star Shadows Remote Obser-
vatory South, Chile, 2010) and the central starburst region (right) (NASA, ESA, and the
Hubble Heritage Team (STScI/AURA)-ESA/Hubble Collaboration, 2006). In the image
on the left the clear tidal tails extending from the central regions can be seen. In the im-
age on the right the starbursting oﬀ-nuclear regions are visible, where the Hα emission is
indicated in red and the newly formed stars in blue.
et al., 1993). Some recent simulations date the Antennae right after the second encounter,
∼ 50 Myr before the ﬁnal merger (Karl et al., 2010; Privon et al., 2013). The ﬁrst en-
counter is evident from the tidal tails and the evenly distributed ∼ 500 Myr old stellar
populations, while the younger 10-100 Myr old clusters might indicate a more recent sec-
ond encounter (Whitmore et al., 1999). The star forming regions of the strongly disrupted
disks show elevated IR luminosities, but the total IR luminosity estimate of ∼ 4 × 1010
L� for the merger does not yet indicate the Antennae being strongly in the LIRG regime
(Brandl et al., 2009). The total star formation rate (SFR) estimates range from a few to
20 M�yr−1 (Brandl et al., 2009; Zhang et al., 2001). Compared to the few M�yr−1 SFR
of the Milky Way, the SFR of the Antennae is slightly elevated, but will be suﬃciently
increased when the nuclei merge.
The Mice
Nearly as studied as the Antennae is the galaxy pair NGC 4676A/4676B, called the
Mice due to its appearance as a pair of mice playing, as seen in Fig. 2.7. The Mice is
located in the constellation of Coma Berenices, at a distance of ∼ 90 Mpc. According
to numerous simulations, the galaxies in the Mice have passed their pericenters 100-260
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Figure 2.7: The Mice (NASA, Holland Ford (JHU), the ACS Science Team and ESA,
2002). The straightness of the tidal tail protruding from the disk on the right indicates
that it is viewed nearly edge on. The interaction of the galaxies is in such an early stage,
that no signiﬁcant infrared radiation (> 1011L�) indicative of elevated star formation is
yet observed (Wild et al., 2014).
million years ago, and are now reaching their apocenters. The galaxies will ﬁnally merge
in 520-550 Myr (TT72; Mihos et al., 1993; Barnes, 2004; Privon et al., 2013). Observa-
tions of young stellar clusters in the perturbed disks agree with the simulations and date
the ﬁrst encounter to ∼ 170 Myr ago (Chien et al., 2007). The prominent tidal tails indi-
cate a prograde merger, and the relatively equal lengths of the tails indicate an equal-mass
merger. The strong bar visible especially in the lefthand side galaxy in Fig. 2.7 is either an
enhanced pre-existing or a newly formed bar, a typical consequence of the ﬁrst encounter.
The stellar mass estimate for the merging galaxies varies between 1-3 × 1011M� (Mihos
et al., 1993; Wild et al., 2014), which combined with the sub-LIRG infrared luminosity
indicates roughly 4− 9M�yr−1 star formation rate (SFR) (Wild et al., 2014). Compared
again to the Milky Way SFR, the SFR of the two galaxies in the Mice is also only slightly
elevated as was the case with the Antennae.
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Figure 2.8: An interacting galaxy pair NGC 5257/5258 (NASA, ESA, the Hubble Col-
laboration, and A. Evans, 2008). The galaxy on the right (NGC 5258) shows a strong
tidal tail, while the left-side galaxy (NGC 5257) has been only weakly disturbed by the ﬁrst
encounter. The strongly IR radiating dusty regions are seen in this optical image as dark
bands within especially the rightside galaxy.
NGC 5257/5258
The galaxy pair NGC 5257/8, located at a distance of ∼ 100 Mpc in the constellation
of Virgo and pictured in Fig. 2.8, is evolutionarily in quite a similar stage as the Mice. The
galaxies in NGC 5257/8 have passed their pericenters a couple of hundred million years
ago (Privon et al., 2013), and the elevated 2-4 × 1011 L� infrared luminosity combined
with the stellar mass estimate of 1-3 × 1011 M� indicates a combined ∼ 70 M�yr−1 star
formation rate for the galaxies (Howell et al., 2010; U et al., 2012). The tidal tail of the
left-side galaxy in Fig. 2.8 is small compared to the other tidal tails in our sample. Galax-
ies with disks rotating in the same direction as their orbital rotation are called prograde,
and tend to produce stronger tidal traumas than disks rotating in the opposite direction
as their orbital motion (retrograde). The weak tidal tail indicates a retrograde rotation
for the left-side progenitor galaxy, whereas the right-side galaxy demonstrates yet another
prograde progenitor with its wider and stronger tidal tail.
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NGC 2623
The only coalesced merger in our sample is NGC 2623, which has presumably a single
nucleus according to optical images (see Fig. 2.9). The merger can be found in the
constellation of Cancer, and it lies roughly 80 Mpc from us. The merger shows an infrared
luminosity of ∼ 4 × 1011 L�, which is of the same order as the NGC 52527/8 system
(Howell et al., 2010; U et al., 2012). However, NGC 2623 has a stellar mass of as little
as 2-6× 1010 M� depending on the measurement technique (Howell et al., 2010; U et al.,
2012), which is nearly an order of magnitude less than the stellar mass of NGC 5257/8.
The small stellar mass combined with the high IR luminosity indicates a star formation
rate as high as ∼ 70 M�yr−1 (Howell et al., 2010) due to the violent ﬁnal merging phase,
which corresponds to the SFR of the more massive NGC 5257/8 in much earlier phase of
merging.
Figure 2.9: The merger remnant NGC 2623 (NASA, ESA, Hubble Legacy Archive, Martin
Pugh, 2012). The nuclei have presumably already merged, and the highly disturbed central
volume encompasses strongly star forming regions.
Chapter 3
Initial Conditions
3.1 Constructing the Galaxy Models
Every successfully performed simulation begins by a careful construction of the initial
conditions. Simulations which model encounters of two galaxies are usually assembled of
two single, stably rotating disks, whose stability has been conﬁrmed by ﬁrst analyzing their
behaviour in isolation. The basic components of our disk galaxy models include a dark
matter halo, a rotationally supported disk of stars and possibly gas, and a stellar bulge.
Particles belonging to each of these components are placed into the model according to
observationally supported density proﬁles, and for example in the case of gas, adjusted to
hydrostatic equilibrium. The models employed in this Thesis are based on the work of
Springel, Di Matteo and Hernqvist (2005), and Barnes and Hibbard (2009) (SDH05 and
BH09 hereafter, respectively).
3.1.1 The Dark Matter Halo and the Bulge
In N-body simulations the density proﬁles of dark matter haloes have been well ﬁt by
the so called NFW proﬁle named after Navarro, Frenk and White who were the ﬁrst
astronomers to report this in their low-resolution numerical simulations in 1996. In a
numerical simulation the density proﬁle of a given dark matter halo can thus be described
with an NFW-proﬁle deﬁned as
ρdm(r) = ρcritδc
r3s
r(r + rs)2
, (3.1)
where r is the radius, rs is the scale radius of the halo and δc is the characteristic overden-
sity. This ﬁt for a halo density proﬁle can be employed to construct a dark matter halo
for our initial conditions. By integrating the density proﬁle over the volume V in spherical
coordinates, we obtain the mass proﬁle of the halo as
M(r) =
�
V
ρ(r)dV = 4πρcritδcr
3
s
�
ln
�
r + rs
rs
�
− r
r + rs
�
. (3.2)
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Using the deﬁnition 2.1 for the virial mass, and c = r200rs for the concentration factor,
we can then derive δc for an NFW halo as
δc =
200
3
c3
ln(1 + c)− c/(1 + c) . (3.3)
The deﬁnitions above give us the the NFW density proﬁle as
ρdm(r) =
Mdm
4π(ln(1 + c)− c/(1 + c))
1
r(r + rs)2
, (3.4)
and the mass proﬁle of the halo can be expressed similarly as
M(r) =
Mdm
ln(1 + c)− c/(1 + c)
�
ln
�
r + rs
rs
�
− r
r + rs
�
, (3.5)
where Mdm is the total mass of the dark matter in the galaxy.
Now, if we inspect the upper limit of the mass (Eq. 3.5) by taking the radius to
inﬁnity, we see that the mass of the NFW halo diverges. This, and the fact that the
mass proﬁle cannot be solved analytically for r, motivates us to make use of the closely
related Hernquist proﬁle (Hernquist, 1990) to represent the dark matter distribution in
our galaxies. The density of a Hernquist proﬁle with scale radius a can thus be deﬁned
also as
ρdm(r) =
Mdm
2π
a
r(r + a)3
, (3.6)
which behaves as r−4 for large r, in contrast to the NFW proﬁle which behaves as r−3
given by Eq. 3.1. Again integrating over the density proﬁle, we get the mass proﬁle of the
Hernquist halo as
M(r) =Mdm
r2
(r + a)2
, (3.7)
where the total mass of the halo converges for large r where, as noted earlier, the total
mass of the NFW proﬁle would inconveniently diverge.
The parameter a in the Hernquist proﬁle is derived from the deﬁnition of the NFW
halo mass proﬁle by requiring that the total mass of the Hernquist halo is equal to the
mass of the NFW halo at radius r200. Parameter a gets thus a deﬁnition of
a = rs
�
2
�
ln(1 + c)− c
1 + c
�
.
As a comparison Fig. 3.1 shows that in the inner region of the galaxy the Hernquist
proﬁle follows the shape of the NFW density proﬁle. In the outer parts the Hernquist
density proﬁle declines faster than the NFW proﬁle, resulting in a converging mass for the
Hernquist proﬁle.
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Figure 3.1: A comparison of the Hernquist and NFW density proﬁles. The example proﬁles
are ﬁtted for a halo with c = 10, r200 = 100 kpc, a = 17.3 kpc and Mdm ≈ 1.14× 1011M�.
The virial mass of the galaxy can then be deﬁned using the circular velocity v200. The
velocity v200 is obtained by assuming a test particle on a circular orbit around the galaxy,
and by deﬁning its velocity at the virial radius using simple Newtonian mechanics as
v2200 =
GM200
r200
. (3.8)
By solving for r200 or M200 from the equation above, and plugging the result into the
deﬁnition of the virial mass (Eq. 2.1), we get equations for the virial mass
M200 = 200
3H(z)2
8πG� �� �
ρcrit
4π
3
�
GM200
v2200
�3
� �� �
r3200
= 100
G2H(z)2M3200
v6200
(3.9)
and for the virial radius
v2200
G
r200� �� �
M200
= 200
3H(z)2
8πG� �� �
ρcrit
4π
3
r3200 = 100
H(z)2
G
r3200 (3.10)
expressed ﬁnally as a function of v200 as
M200 =
v3200
10GH(z)
and r200 =
v200
10H(z)
. (3.11)
Thus only two parameters, v200 and c, can be used to normalize both the NFW and the
Hernquist density proﬁles.
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The Hernquist proﬁle is also used to describe the structure of the spherical bulge.
Following the deﬁnition of Eq. 3.6, the density proﬁle for the bulge is
ρb(r) =
Mb
2π
b
r(r + b)3
, (3.12)
whereMb = mbM200 is the total mass of the bulge deﬁned as a fraction mb of the galaxy’s
total mass M200, and b is again a scaling parameter left as a free parameter.
3.1.2 The Disk
The disk embedded inside the dark matter halo is by far the most challenging component
to construct. This is not only because of the intricate hydrostatic equilibrium of the
gas particles, but also due to the collective rotation of the entire disk in addition to the
epicyclic motion of the individual particles. The disk mass Md is a fraction md of the
entire galaxy mass as Md = mdM200, and it is divided into gas and star components with
masses Mgas and M∗ accordingly. The radial proﬁle of the disk components is set so, that
the surface density proﬁles are exponential,
Σgas(r) =
Mgas
2πh2
e−
r
h and Σ∗(r) =
M∗
2πh2
e−
r
h , (3.13)
where h is the scale length of the disk. Surface density proﬁles in equations 3.13 are mo-
tivated by observations of disk galaxies, where the brightness of the luminous parts of the
disks have in most cases been observed to decrease exponentially (Longair, 1998).
To deﬁne the three dimensional structure of the disk we must calculate the disk scale
length h accurately. The rotation of the disk aﬀects the distribution of the particles, since
the faster the galaxy rotates, the further from the center of mass the particles end up due
to the conservation of angular momentum. For this we use an iterative method which
begins by deﬁning the angular momentum of the halo. The parameter used to describe
the rotation of the halo is the dimensionless spin parameter λ which is deﬁned as
λ =
J |E|1/2
GM
5/2
200
, (3.14)
where E is the total energy of the halo (Peebles, 1969). The total energy can be calculated
by assuming that all the particles are on circular orbits, calculating their kinetic energy
using the known mass proﬁle of the halo, and applying the virial theorem. The virial
theorem states that for a body in virial equilibrium the potential energy Epot equals
twice the negative kinetic energy Ekin, and gives us the total energy of the halo as E =
Ekin + Epot = Ekin − 2Ekin = −Ekin. This way we get a deﬁnition for E very similar to
the case of the energy of an isothermal sphere:
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E = −4π
r200�
0
ρ(r)v2c (r)
2
r2dr = −GM
2
200
2r200
f, (3.15)
where ρ(r) is the density proﬁle of the halo, v2c (r) =
GM(r)
r is the circular velocity as a
function of the mass proﬁle M(r), and the constant f includes all the constants arising
from the integration of the density proﬁle. In the case of an NFW halo, f is only a function
of the concentration factor c and can be deﬁned as
f =
c
2
1− 1/(1 + c)2 − 2 ln(1 + c)/(1 + c)
[c/(1 + c)− ln(1 + c)]2 .
As a comparison, for the familiar case of a singular isothermal sphere the factor f would
have been 1 (Mo et al., 1998).
By combining equations 3.14 and 3.15 and solving for J , we get the angular momentum
of the halo as a function of the known properties of the halo as
J = λG1/2M
3/2
200 r
1/2
200
�
2
f
�1/2
. (3.16)
In order to compute the disk scale length we need to calculate the angular momentum
of the disk, Jd, as a function of the scale length and combine it with the halo’s angular
momentum by assuming that Jd is a fraction jd of the halo’s angular momentum J , i.e.
Jd = jdJ . For the disk the angular momentum is
Jd =
�
V
r× Σd(r)vdV =Md
r200�
0
Vc
� r
h
�2
e−r/hdr (3.17)
when the vertical disk thickness is much less than the scale length. Because the disk
surface density vanishes well before r reaches r200, we can approximate the upper limit to
inﬁnity and thus we can write
Jd =Md
∞�
0
Vc
� r
h
�2
e−r/hdr. (3.18)
The deﬁnition 3.18 for Jd includes the circular velocity Vc for a particle in the disk,
which takes into account the gravitational contribution from the disk, the bulge and the
dark matter halo:
V 2c (r) =
G[Mdm(< r) +Mb(< r)]
r
+
2GMd
h
y2[I0(y)K0(y)− I1(y)K1(y)]. (3.19)
In this deﬁnition M(< r) denotes the mass of the individual component inside the radius
r, the functions In and Kn are modiﬁed Bessel functions of the ﬁrst (In) and second (Kn)
kind, and y = r2h (Freeman, 1970; BT08).
Since there is obviously no analytical solution to the integral in equation 3.18, the
value for h is obtained iteratively. We adjust h and solve the integral numerically until we
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ﬁnd an h which satisﬁes the equality Jd = jdJ .
The last step concerning the coordinates of the particles is the vertical structure of
the disk. For the stellar component of the disk this can be obtained by assuming a
thin axisymmetric disk and solving for the vertical structure separately. An isothermal
distribution is thus given to the stellar disk as
z∗(z) =
1
2z0
sech2
�
z
2z0
�
, (3.20)
where z0 is a parameter which determines the vertical scale height of the stellar disk. The
factor 12 follows from the symmetry of the disk above and below the z = 0 plane. The
vertical distribution multiplied by the radial surface density proﬁle determines the three
dimensional structure of the stellar disk as
ρ∗(r, z) =
M∗
4πz0h2
sech2
�
z
2z0
�
e−
r
h , (3.21)
where z0 determines also the velocity distribution calculated later so that it satisﬁes the
gravitational potential of the disk self-consistently.
The vertical structure of the gaseous component cannot be speciﬁed as easily due to the
constraints posed by the requirement for hydrostatic equilibrium. The behaviour of gas in
hydrostatic equilibrium is described by the equation of state of the form Pgas = P (ρgas),
which relates the variables such as pressure and temperature to the density of the gas. The
surface density of the gaseous disk was deﬁned by equation 3.13, and the three dimensional
spatial distribution of the non-gaseous mass components has also been deﬁned earlier. We
can thus make use of the Euler equation in hydrostatic equilibrium for gas deﬁned as
− 1
ρgas
∂Pgas
∂z
− ∂Φ
∂z
= 0 (3.22)
and combine it with the Poisson equation ∇2Φ = 4πGρ which gives us the gravitational
potential of each of the matter components contributing to the potential. To solve ρgas we
must again iterate using the relation
Σgas(r, z) =
�
ρgas(r, z)dz (3.23)
where the known surface density Σgas(r) can be used when ρgas(r, z) is integrated over z.
The vertical structure of gas is integrated and adjusted for one value of r at a time until
the deﬁned surface density and the requirement for hydrostatic equilibrium are satisﬁed.
3.1.3 Two Types of Initial Conditions
The debate on whether the Hernquist proﬁle and the NFW proﬁle are suﬃcient in de-
scribing the density proﬁle of the dark matter haloes has been going on for two decades.
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During this time N-body simulations with increasingly higher numerical resolution have
been possible. Both of the density proﬁles, i.e. the Hernquist proﬁle and the NFW pro-
ﬁle, are widely used, and the advantages and disadvantages of both of them can be easily
promoted to justify the selection of either one of them. Both of the proﬁles can be used
to produce the rotational curves and luminosity proﬁles of observed disk galaxies and the
strong dynamical friction required for a pair of galaxies to merge (Mo et al., 1998; SDH05).
On the other hand, both of the proﬁles diverge in the center of the galaxy, thus telling us
that neither of them can be the global density proﬁle describing the entire dark matter
halo. The debate will probably not end until we get conclusive observational evidence on
the true density proﬁles of dark matter haloes.
To study the diﬀerences of these dark matter proﬁles, there are two sets of initial
conditions created in this Thesis. One set of the initial conditions includes Hernquist
density proﬁles and the other set includes NFW density proﬁles for the dark matter haloes.
Otherwise the parameters employed for the galaxies are identical. The models described
above including Hernquist haloes are hereafter named SDH05 models according to Springel
et al., 2005, and the models including NFW haloes described next are named BH09 models
according to Barnes and Hibbard, 2009.
When dealing with the diverging mass problem of the NFW haloes, we apply the
deﬁnitions of BH09 and truncate the halo at a pre-deﬁned radius. This is done by applying
an exponential truncation at radius bh resulting in a density proﬁle
ρdm(r) =

Mdm(rs)
4π(ln 2− 12)
1
r(r + rs)2
r ≤ bh
ρ∗dm
�
bh
r
�β
e−r/rs r > bh,
(3.24)
where Mdm(rs) is the dark matter mass inside a sphere of radius rs. The parameters ρ
∗
dm
and β are derived by requiring that the density proﬁle and its derivative are continuous
at the radius bh:
ρ∗dm =
Mdm(rs)
4π(ln 2− 12)
1
bh(bh + rs)2
ebh/rs (3.25)
and
β =
r2s + 2rsbh − b2h
rs(rs + bh)
. (3.26)
The models used by BH09 are more compact than the ones applied by SDH05, since
the concentration parameter c appears larger due to the smaller size of the truncated
NFW halo. The density in the central regions of a BH09 model must be higher than in
the SDH05 model, since also the mass in the particles placed on large radii in the SDH05
model must be contained within the truncation radius.
In the NFW halo models, a truncation must also be applied for the bulge. This is
done to keep the model physical, since according to standard cosmology, the bulge and
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the disk are embedded inside the dark matter halo. A bulge extending much past the
outer radius of the halo cannot thus be reasonable. Following the deﬁnition above, an
exponential truncation at radius bb is applied to the Hernquist proﬁle as
ρb(r) =

Mb
2π
b
r(r + b)3
r ≤ bb
ρ∗b
�
bb
r
�2
e−2r/b r > bb,
(3.27)
where ρ∗b is again obtained by requiring that the density proﬁle is continous at bb,
ρ∗b =
Mb
2π
b
bb(bb + b)3
e2. (3.28)
An example of the truncated density proﬁles of a BH09 model is provided in Fig. 3.2.
The exponential truncation of the NFW halo within the virial radius can be seen in the
ﬁgure, as well as the modest, only shallow truncation of the bulge. In Fig. 3.2 one can
also see, how the bulge truncates only after the halo density drops below the density of
the bulge.
Figure 3.2: An illustration of a truncated NFW proﬁle for a halo and a truncated Hernquist
proﬁle for a bulge. The example is for a halo with r200 = 150 kpc andMdm ≈ 3.2×1011M�,
and for a bulge with Mb ≈ 2× 1010M�.
One crucial aspect in the diﬀerent models is how the mass of the galaxy is divided
between the diﬀerent matter components. The strength of the dynamical friction induced
by the dark matter halo is not only dependent on the extent of the halo, but also on its
32 3.2. SETTING THE VELOCITY STRUCTURE
total mass. The bulge aﬀects how the gas is distributed during the merger, and the bulges
in our simulations are set to be quite small. To allow comparison between the results, all
of our models follow the mass fraction convention of BH09, where the halo is set to be less
massive than typical SDH05 models would have. The mass fraction of the disk from the
total galaxy mass is set to 15%, the mass fraction of the bulge to a third of the disk mass
fraction i.e. 5%, and this leads the fraction of dark matter in these models to be 80%. In
addition to these fractions gas, if present, is set to consist of 20% of the total disk mass,
where the rest of the disk mass is given to stars. All the models are run both with and
without gas.
The latest results concerning the matter content of the Universe state, that dark mat-
ter makes roughly 85% of the total matter content (Planck Collaboration et al., 2014).
The baryonic matter content of galaxy groups and clusters is dominated by the energetic
intergalactic and intracluster gas, so the baryonic matter in the disks is somewhat lower
in real galaxies. If we were to construct an initial condition following SDH05, resembling
for example a Milky Way -like galaxy, we would set the disk mass fraction to 4.1%, the
bulge mass fraction to 1.37% leading to roughly 95% mass fraction for the dark matter.
In conclusion, the parameters such as mass fractions and orbital parameters describing
the two types of initial conditions are set as equal, except the dark matter proﬁles. The
masses and orbital parameters are adopted from BH09 and Privon et al., 2013 (PR13
hereafter) to allow easy comparison with the results in these studies. The diﬀerences in
the BH09 and SDH05 models arise thus only from the diﬀerences in the dark matter and
bulge density proﬁles.
3.2 Setting the velocity structure
Now as the coordinates of the particles are set, we must next determine the velocities
according to the density structure and the net rotation of the galaxy. The global velocity
structure is obtained using an approximation of circular motion for the particles, but
the dispersion of the velocity distribution must also be deﬁned. To acquire analytical
deﬁnitions for the velocity dispersions, we require the conditions of the Jeans Theorem to
hold, that is, for the initial conditions, we assume non-chaotic, regular orbits with non-
resonant orbital frequencies. This way we can apply the Jeans equations of motion, which
give the average values of the velocity components of each particle as three independent
integrals of motion.
Since we are using cylindrical coordinates, the velocity components in the three direc-
tions are vr, vz and vφ for the radial, vertical and azimuthal directions. The deviations
from the distributions, i.e. the velocity dispersions, are σr, σz and σφ respectively. The
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dispersions can be expressed by the average velocities denoted by �vi� as
σ2i = �v2i � − �vi�2 (3.29)
for each velocity component i. The Jeans equations are obtained by integrating the colli-
sionless Boltzmann equation over the velocity space, and are thus functions of the various
forms of the spatial coordinates and the distribution function f . They express the average
values of the velocity components as functions of the ﬁrst and second moment integrals
over f rewritten in terms of the gravitational potential Φ and the density distribution ρ,
and are thus used to determine the velocity dispersions.
3.2.1 The Spherical Components
As the global rotation axis of the galaxy is assumed to be aligned with the z-axis, the
ﬁrst order terms denoting the net rotation vanish in radial and vertical directions, that
is �vr� = �vz� = 0. The only contributing component of the angular momentum is thus
Lz, and from this follows, that also the mixed second moments vanish, �vrvz� = �vzvφ� =
�vrvφ� = 0. We are now left with only four non-zero terms, which are the ﬁrst order term
�vφ� describing the net streaming, and the second order terms �v2r �, �v2z � and �v2φ� giving
the velocity dispersion for all the matter components. The velocity distribution in the
direction of each of the axes is assumed to be Gaussian.
The basis of the velocity dispersion calculations is the second moment Jeans equation
in the vertical directions given by
�v2z � =
1
ρ
∞�
z
ρ(z�, r)
∂Φ
∂z�
dz�, (3.30)
which can be calculated since ρ and Φ for all of the matter species are known. The coor-
dinate systems of the spherical bulge and dark matter halo are axisymmetric as described
in Chapter 3.1.1., and the three dimensional Gaussian velocity distribution is aligned with
the coordinate systems of the particles. The triaxial Gaussian distribution is thus sym-
metric for the spherical components in the direction of the radial and vertical axes, and
so we have �v2z � = �v2r �. The azimuthal dispersion is not equal to the dispersions in other
directions due to the distinct behaviour of the φ-coordinate, but the second moment Jeans
term can nevertheless be expressed using the vertical term above as
�v2φ� = �v2z �+
r
ρ
∂(ρ�v2r �)
∂r
+ v2c , (3.31)
where vc is the circular velocity given by vc =
�
r ∂Φ∂r .
In addition to Eq. 3.30 and Eq. 3.31 �vφ� is still needed to fully describe the velocity
dispersions given by Eq. 3.29. The bulge is assumed to be non-rotating, so the ﬁrst order
term �vφ� is zero, and the entire velocity structure of the bulge is now fully deﬁned.
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For the dark matte halo, the �vφ� is assumed to be a fraction fs of the circular velocity
(fsvc), so that the speciﬁc angular momentum of the halo and the disk are equal. Since the
halo is usually an order of magnitude more massive than the disk, the angular momentum
per halo particle is quite small and the net rotation of the halo is correspondingly small.
Now all the terms required to describe the velocity structure of the halo are also deﬁned.
3.2.2 The Stellar Disk
The last collisionless component is the stellar disk. The velocity distribution in all the
directions is assumed to be Gaussian also for the disk particles. The �v2z � is calculated
just as in the case of the spherical components, but as the azimuthally symmetric disk is
not as extended in the z-direction as in the r-direction, the equality between �v2z � and �v2r �
cannot be applied. There is still observational support for the fact that the vertical and
radial velocity dispersions correlate, and thus here the �v2r � is assumed to be a fraction fr
of the vertical velocity dispersion. In most cases fr is set to 1, so it follows that the velocity
dispersion in the radial direction is in principle the same as in the vertical direction.
For the azimuthal component and the net rotation of the disk we ﬁrst assume that the
disk particles follow epicyclic orbits. This gives us the opportunity to apply the epicyclic
approximation, with which we can combine the radial and azimuthal velocity dispersions
using the potential Φ as
σ2φ =
σ2r
η2
, (3.32)
where η2 is given by
η2 =
4
r
∂Φ
∂r
κ−2 (3.33)
and where κ is the epicyclic frequency of the disk given by
κ2 ≡ 3
r
∂Φ
∂r
+
∂2Φ
∂r2
. (3.34)
By using again the deﬁnition for σ2φ (Eq. 3.29) and Eq. 3.32 above we get �vφ� as
�vφ� =
��vφ�2 − σ2φ�1/2 = ��vφ�2 − σ2rη2
�1/2
, (3.35)
where �vφ�2 is given by Eq. 3.31. Now also the velocity structure of the disk is fully
deﬁned.
3.2.3 The Gaseous Disk
The gaseous disks in disk galaxies are thin due to the ability of gas to cool. When a disk
galaxy is formed, the total angular momentum of the gas is conserved. The gas particles
minimize their energies, so they end up forming a disk where the angular momentum
of each of the particles points in same direction. Axes with minor angular momentum
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diminish, and transfer their momentum to the component Lz, chosen here to point into
the direction of z. The velocity structure of gas can then be approximated to be distributed
only in the azimuthal direction, and it is thus only a function of vφ. Gas in the disk is
still required to be in hydrostatic equilibrium, so the Euler equation can now be written in
terms of r assuming the gravitationally, rotationally and pressure supported gas particles
are on circular orbits. The Euler equation is now written as
dvφ
dt
=
v2φ
r
=
∂Φ
∂r
+
1
ρgas
∂Pgas
∂r
. (3.36)
For gas, the only velocity required to be calculated is thus
v2φ = r
�
∂Φ
∂r
+
1
ρgas
∂Pgas
∂r
�
, (3.37)
and no room for dispersion in the velocity distribution is left since the strict equilibrium
rules this out.
3.3 Stability of the Disks
3.3.1 Criteria for Stability
Before we can set the galaxies on orbits, we must ensure that the disks are stable. Molecular
clouds in the disks are contracting gravitationally and supported by the gas pressure, and
the Coriolis force in the disk helps to prevent the clouds from collapsing. A measure of
the stability of the disk can be obtained by utilizing the theory of disk instabilities, which
in general considers both global and local instabilities. A global instability can occur,
for example, if the spin parameter λ would be too large for a low mass galaxy, and the
particles in the disk would disperse and destabilize the carefully constructed position and
velocity distributions. This kind of globally unstable conﬁguration can be easily noticed
when the disk rotation is examined visually.
The case of local instabilities is more complicated, because the impact the local insta-
bilities have on the behaviour of the disk is more subtle and cannot be noticed by simply
observing the rotation of the disk. If small perturbations can grow exponentially within
the disk, star formation can grow out of hand and transform most of the gas in the disk
into stars. On the other hand, some local instability must be possible, for the fragmenta-
tion of the molecular clouds is crucial for allowing star formation in the ﬁrst place. This
is relevant for example in spiral arms.
A criterion for the stability of gas in a galactic disk against small perturbation can
be constructed by taking a thin, self-gravitating and axisymmetric disk consisting only of
gas, and introducing a perturbation much smaller than the size of the disk. Small here
means that the wavelength of the perturbation is short compared to the radius of the disk,
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and long compared to the scale height of the razor-thin disk. By working with continuity
equation of the disk, Euler equation for the gas and applying some basic wave mechanics,
a dispersion relation
ω2 = κ2 − 2πGΣ0|k|+ k2c2s (3.38)
for the emerging density wave can be obtained (MBW10; BT08). In the relation above
ω is the the angular frequency of the perturbation, κ is the epicyclic frequency of the
unperturbed disk (Eq. 3.34), Σ0 is the local surface density of the disk, k =
2π
λd
is the wave
number of the perturbation of wavelength λd, and cs is the sound speed in the disk. Note,
that relation 3.38 would describe the response of a gas cloud under gravity and supported
by pressure, if the epicyclic κ-term due to the rotation of the disk was removed.
A real solution to the dispersion relation, requiring ω2 > 0, means a stable disk where
the perturbations decay exponentially. If the solution is complex, the perturbations grow
exponentially and a local instability emerges. The unstable solutions occur thus when
|k| < kcrit or when the perturbation wavelength λd exceeds a critical value λcrit. The
stable limit can be found when ω2 = 0, so that we get a second order polynomial
κ2 − 2πGΣ0|kcrit|+ k2critc2s = 0, (3.39)
which is easy to solve. For kcrit we again require a real solution, so as a requirement for
stability we ﬁnally get a parameter Q given by the relation
Q ≡ csκ
πGΣ0
> 1, (3.40)
which is known as the Toomre’s stability criterion for a gaseous disk (1964).
For a stellar disk the derivation is quite similar, but the pressure of the gas cloud is now
replaced with the random motions of the stars. Again, from the requirement of ω2 = 0 for
the dispersion relation of a stellar disk, we get a limit
κ2 − 2πGΣ0|k|F (0, σ
2
r k
2
κ2
) = 0, (3.41)
where σr is the known stellar radial dispersion. The function F arises from the epicyclic
approximation for the motion of stars in the disk, and it is given by
F (s, t) =
1− s2
sin(πs)
π�
0
e−x(1+cosx) sin(sx) sinxdx. (3.42)
The function above can be expressed using the modiﬁed Bessel function of the ﬁrst
kind I0, and thus the stable limit of the dispersion relation can also be expressed as
|k|σ2r
2πGΣ0
= 1− e−σ2r k2/κ2I0
�
σ2r k
2
κ2
�
. (3.43)
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An approximate solution to the equation above gives us the Toomre’s stability parameter
(Toomre, 1964) for the stellar disk as
Q ≡ σrκ
3.36GΣ0
> 1. (3.44)
When the initial conditions for the disks are created, both of Toomre’s stability criteria
can be calculated as a function of radius using the known density proﬁles. As the gas in our
initial conditions is constructed into hydrostatic equilibrium, the analysis of the stability
of the gas is unnecessary. The stars in the disk are thus the only component in our initial
conditions which requires a stability analysis.
3.3.2 Dynamical Temperature
Galaxies in general can be classiﬁed according to their stellar velocity dispersions. This
classiﬁcation scheme can be thought of as the dynamical temperature scale for galaxies;
galaxies with large σ are dynamically hot, galaxies with low σ are dynamically cool, and
galaxies with zero σ are dynamically cold (MBW10; BT08). In this nomenclature elliptical
galaxies in which stars have velocity dispersions of hundreds of kilometers per second are
dynamically hot. Disk galaxies with quite ordered stellar motions and dispersions of only
tens of kilometers per second are generally classiﬁed as dynamically cold. The dynamical
temperature can also be thought as a relative quantity, so when we are considering disks
with higher-than-average velocity dispersions, they can be thought as dynamically hot
disks, and vice versa.
According to Eq. 3.44 the stability of the stellar disks in our initial conditions is deter-
mined by the radial velocity dispersion, the local epicyclic frequency and the local surface
density of the disks. The dynamical temperatures of the disks are thus straightforwardly
connected to their stability. Hot disks with high σr are more stable than cold disks, since
the random motions of stars, analogous with the gas pressure, support the disk against
local instabilities. The increased stability of a hot disk can however be decreased, if the
surface density of the disk is high. On the other hand, the epicyclic frequency of a particle,
i.e. the epicyclic wobble of the orbit, contributes to the the random motion of the particle.
This way a disk with low radial dispersion can still have stable regions if the particles in
those regions are on orbits with high epicyclic frequencies.
The disk initial conditions in this Thesis are constructed to be locally stable. The
calculation of the scale length and the velocities of the stars are based on the epicyclic
approximation, and thus the construction of dynamically cold, locally highly unstable disks
is prevented. This can be understood by reminding ourselves that the goal of our initial
conditions is to observe the eﬀects of mergers on the disk galaxies. One of the crucial
observables in a merger is the star formation rate, thus the basic level of star formation
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due to local instabilities in the disks should be quite stable to begin with, if the inﬂuence
of the merger is to be distinguished.
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3.4 Orbits and Orientations
3.4.1 Parabolic Orbits and Velocities
The last step before we can start our merger simulations is to set our stable galaxies onto
colliding orbits. In this Thesis we are reproducing four individual observed mergers, and
the orbital parameters are set to produce the best ﬁt to the observed data. For simplicity
we take two identical galaxies and place them into the opposite corners of a rectangle.
Cosmological dark matter simulations have shown, that most of the merging haloes are
on eccentric orbits with roughly half of the haloes having an eccentricity e ≈ 1 (Khochfar
and Burkert, 2006). All our galaxy pairs are thus placed on parabolic orbits with e = 1,
as was also done by both SDH05 and PR13. The initial center of mass separation rsep
and the pericentric separation rperi are set in the range of 100− 200 kpc and 1− 20 kpc,
respectively, according to PR13. These parameters deﬁne fully the initial orbits of the
galaxies, which would be simple Keplerian orbits if the galaxies were point masses (see
Fig. 3.3). The positions of the galaxies can thus be obtained using the equation of a conic
section for a parabola
rsep =
2rperi
1 + e cos θ
, (3.45)
where θ is the true anomaly deﬁning the coordinates of the galaxies in cartesian coordi-
nates.
The opposite corners of the rectangle are chosen to be the rightmost upper corner and
the leftmost lower corner in the (x, y)-plane, and the parabolic orbits are aligned so that
the pericenters are on the x-axis, as is presented in the ﬁgure below.
Figure 3.3: An illustration of the parameters of the galaxy G on a Keplerian parabola.
The values of rsep and rperi for the orbit of G can be used to deﬁne the true anomaly θ,
which in cartesian coordinates gives the position of G. The positions and the orbits of the
galaxies in our initial conditions are also illustrated.
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In our simulations, where the galaxies are identical, the center of mass is simply in the
mutual focus of the parabolic orbits. If the galaxy masses were unequal, the shift in the
center of mass would be taken into account. The total energy of a parabolic orbit is zero,
so the initial velocity v of the galaxies can be obtained from the energy integral � given by
� =
1
2
v2 − µ
rsep
= 0, (3.46)
where µ is the standard gravitational parameter of a two body problem given by µ ≡
G(Mtot,1 +Mtot,2) = 2GMtot. The initial velocity set for both of the galaxies is thus
v =
�
2µ
rsep
(3.47)
along the parabola.
3.4.2 Orientations
The behaviour of the merging galaxies is strongly aﬀected by the orientation in which
they meet each other. A disk galaxy on a direct passage prograde in plane, i.e. which is
rotating in the same direction as the galaxies are circling each other, and which meets the
other galaxy edge on, experiences the strongest gravitational perturbations (TT72; Barnes,
1992). This is due to the matched velocities of the particles in the galaxy with the center
of mass of the other galaxy. In other words, the particles rotating their host galaxy in
the same direction as the host’s orbit move relatively slower and experience the disturbing
force of the other galaxy for the longest period of time. In these direct encounters the
galaxies get strongly disrupted, show prominent tidal tails and counter arms, and can
exchange particles in their outer regions through galactic bridges even during the ﬁrst
passage. Galaxies on retrograde passages are less aﬀected by the ﬁrst encounters, and
show more subtle gravitational responses such as grand design spiral arms.
The appearance of the galaxies during the merger is thus also strongly dependent on
the initial orientations of the galaxies. As the purpose of this study is to reproduce certain
observed mergers, the accurate and unique deﬁnition for the orientations of the galaxies is
necessary. Many groups working in the ﬁeld of computational galaxy mergers have adopted
their own systems of parameters to describe the orientation and orbits of the galaxies in
their initial conditions. To make possible the comparison of the results, the parameters are
generally converted into the deﬁnitions of TT72, which have been adopted as the standard
system of coordinates for merging galaxies. The parameters ﬁrst presented in TT72 are
speciﬁed for a point mass orbiting a ﬁxed galaxy, but the general concepts are applicable
to major mergers as well (see Fig. 3.4).
Two parameters are needed to specify the orientation of a galaxy. The ﬁrst parameter
is the inclination i, which tells the tilt of the rotational plane of the galaxy with respect
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to the orbital plane. In the convention of TT72, the inclination can be either positive or
negative, but it must have values of |i| ≤ 180◦. It is also important to point out, that
for a galaxy with an inclination larger than |i| ≥ 90◦ the spin is retrograde. The second
parameter is the argument of pericenter ω, which measures the angle between the line of
nodes, i.e. the line where the spin plane of the galaxy crosses the orbital plane, and the
line connecting the pericenters of the orbits. The value of ω can also be of either sign, and
it must be within |ω| ≤ 90◦. When the value of inclination is i = 0◦, the value of ω is in
principle ill-deﬁned since a zero inclination includes all the values of ω. In practice i = 0◦
is used to represent an edge on merger with an argument of pericenter of ω = 0◦.
Figure 3.4: An illustration from TT72 which shows the angles i and ω. The coordinate sys-
tem marked in the ﬁgure is deﬁned for the disk, and the orbit plane in the ﬁgure represents
our (x,y)-plane.
In a system of two galaxies there are three sets of coordinate systems present (see Fig.
3.5). Both of the galaxies have their own coordinate systems ﬁxed to their spin plane (as
in Fig. 3.4), because their i and ω values rotate the spin plane with respect to the origin of
the galaxy, not the origin of the orbital plane. If the inclination is thought, as in TT72, a
left-handed rotation around the x-axis of the spin plane, the orientation of these separate
spin plane coordinate systems then deﬁnes the direction in which the inclination is rotated.
The convention of TT72 is to set the unrotated x-axes of both of the galaxies to be parallel
to the pericentric line between the pericenters of the galaxies. The positive x-axes are set
to point towards the focus of the idealized Keplerian orbits when the galaxies reach their
pericenters, as can be seen in the left panel of Fig. 3.5.
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In our initial conditions both of the spin plane coordinate systems are set to be parallel
with the orbital (x, y)-plane coordinate system as shown in the right panel of Fig. 3.5.
What follows, is a deﬁnition for the coordinate system of the lower left galaxy diﬀering from
the convention of TT72. Now as we are still rotating the galaxies left-handedly around
their x- and z-axes, it means that our convention to rotate the inclination is opposite to
TT72’s with respect to the orbital plane, as presented in Fig. 3.5.
Figure 3.5: An illustration of the orbital plane and the choice of the spin plane coordinate
systems in TT72 (left) and in our initial conditions (right). The pericentric line and
the focus f are also shown. The orientation of these coordinate systems deﬁne, in which
direction the inclinations are rotated, and the positive rotations directions are presented in
the ﬁgures.
To prevent confusion between our angles with the TT72’s we introduce two new co-
ordinates: θ corresponding to the inclination i and φ corresponding to the argument of
pericenter ω. For the upper right galaxy we use subscript a, and a subscript b for the
lower left galaxy. The inclination for the upper right galaxy remains unchanged when
converted from the TT72 system to ours, i.e. θa = ia, but the opposite rotation direction
of the inclination of the lower left galaxy in our initial conditions gives us the deﬁnition of
θb = −ib. As can be interpreted from ﬁgures 3.4 and 3.5, the orientation of the lower left
galaxy’s coordinate system does not aﬀect the rotation direction of ω. This implies that
we can deﬁne φa = ωa and φb = ωb. These conversions have been summed up in Table
3.1. Table 3.2 shows an example of the conversion for the Antennae system presented in
TT72.
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Galaxy a Galaxy b
θa = ia θb = −ib
φa = ωa φb = ωb
Table 3.1: The conversions between the TT72 coordinate system and our coordinate system.
TT72 This Thesis
Antennae a Antennae b Antennae a Antennae b
ia = 60
◦ ib = 60◦ θa = 60◦ θb = −60◦
ωa = −30◦ ωb = −30◦ φa = −30◦ φb = −30◦
Table 3.2: The conversions between the TT72 coordinate system and our coordinate system
in the case of the Antennae presented in TT72.
Chapter 4
GADGET-3 and SPHGal
The numerical simulation codes used in this Thesis are GADGET-3 and its recent updated
version SPHGal, which includes some crucial improvements on basic GADGET-3. The
codes are based on the groundbreaking GADGET code (GAlaxies with Dark matter and
Gas intEracT) released ﬁrst in the early 2000’s by Springel et al. (2001), and the codes
can be used to simulate a wide variety of astrophysical phenomena including gravitational
and hydrodynamical interactions. GADGET was originally designed to simulate mergers
of disk galaxies including dark matter haloes, but since its ﬁrst publication GADGET has
been extended to perform also cosmological simulations.
The treatment of basic physics, such as gravity and the thermodynamics of gas, hardly
varies in diﬀerent versions of GADGET-3, and are thus ﬁrst described shortly in the
ﬁrst three Sections of this chapter. The improvements on gas dynamics, the evolution of
metallicity and feedback processes included in the SPHGal are then described in the last
Section of this chapter.
4.1 Gravity Calculation
The spatial scales in astrophysical simulations vary from parsecs to megaparsecs in merger
simulations and even parsecs to gigaparsecs in cosmological simulations. All the particles
in our simulations, either collisional or collisionless, feel forces based on the Newtonian
laws of gravity, and the forces on small and extremely large scales must be handled with
methods most appropriate for the required accuracy level. Some inevitable approxima-
tions, which are carefully controlled using accuracy parameters, are thus made in the
calculation of forces.
Softening
The total gravitational potential acting on a particle at a position r can be obtained
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exactly by summing over the gravitational potentials from all the other particles in the
simulation. A single particle with a mass mi results in a Newtonian potential
Φ(r) = −Gmi
r
, (4.1)
where G is the gravitational constant and r = |xi − r| is the separation of the particles
at positions xi and r. This form of potential diverges when the particles are almost at
the same position, and in numerical simulations, where the particles are considered to be
point masses, this leads to unphysical velocities when two particles pass each other close
by. These inconvenient situations can be avoided by introducing gravitational softening
on scales smaller than a speciﬁc softening length h (Springel et al., 2001; Springel, 2005),
where the gravitational potential is now given by a softened potential
Φ(r) = G
mi
h
W2
� r
h
�
, (4.2)
where the softening kernel W2(
r
h) is a spline function deﬁned in GADGET-3 as
W2
� r
h
�
=

16
3
�
r
h
�2 − 485 � rh�4 + 325 � rh�5 − 145 , 0 ≤ rh < 12
1
15
�
r
h
�−1
+ 323
�
r
h
�2 − 16 � rh�3 + 485 � rh�4 − 3215 � rh�5 − 165 , 12 ≤ rh < 1
− � rh�−1 rh ≥ 1
(4.3)
At distances larger than the softening length h the potential thus reduces to the familiar
Newtonian form of Φ(r) = Gmih
�− rh�−1 ∝ −1r . The softening used in GADGET-3 can be
related to for example the more familiar Plummer softening, where Φ(r) ∝ (r2 + �2)−1/2
giving a relation h = 2.8� between the softening lengths. The force caused by a particle i
at a distance r is thus given by
F (r) = −∇Φ(r) = −Gmi
h
∇W2
� r
h
�
(4.4)
which does not diverge as the Newtonian gravitational force F (r) = −∇Φ(r) = −Gmi
r2
at
distances less than the softening length.
TreePM
As mentioned above, the most accurate method of calculating the gravitational forces
caused by all the particles in our simulations would be direct summation, where all the
individual separations and gravitational potentials are calculated one by one during each
time step. For N particles this would require O(N2) mathematical operations per time
step. The number of particles in astrophysical simulations ranges from 104 to 1010 or
even 1011 in the highest resolution studies, making direct summation unfeasibly time
consuming. The computational load of the force calculation has been eased by the use of
tree and particle mesh algorithms, which in the case of GADGET-3 has been combined
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to a hybrid method called TreePM. The force calculation is performed by splitting the
gravitational potential into short-range and long-range parts in Fourier space (Springel,
2005) as
φk = φ
short
k + φ
long
k . (4.5)
The short-range part corresponds to Eq. 4.2 and it is calculated using a tree method, which
groups distant objects into hierarchical trees and calculates the forces using multipole
expansions. The long-range part is given in Fourier space using some clever mathematical
formulations as
φlongk = φke
−k2r2s , (4.6)
where rs is the force splitting scale, and it is calculated using a particle mesh (PM) method,
where the particles are placed onto a pre-deﬁned grid. The PM method is particularly
useful in cosmological scale simulations where the furthest particles lie gigaparsecs apart,
but in our megaparsec scale merger simulations the tree method is mostly used and is thus
given a more detailed description below.
The tree algorithm employed by GADGET-3 is the one developed by Barnes and
Hut (1986), in which the simulation volume is divided hierarchically into cubical boxes,
or nodes, each containing either one particle or the next 8 sub-nodes. The hierarchical
grouping of the particles is called an oct-tree. This subdivision is done from top to bottom,
i.e. beginning with the whole 3D-space, until all particles have been divided into their
individual cells. Forces are then calculated by walking the tree beginning from the top
node. An individual node is inspected further only if the force given by the node is not
accurate enough, that is if the error of the force is not within speciﬁed limits. To maintain
the accuracy of the force calculation, GADGET-3 uses an opening criterion for each node
of total massM with its center of mass at a distance r from the particle in question deﬁned
as
GM
r2
�
l
r
�2
≤ α|a|, (4.7)
where l is the side length of the node, a is the total acceleration of the entire node during the
last time-step, and α is an error tolerance parameter having a typical value of α = 0.005.
If the force is accurate enough, the forces due to the particles in the node are considered
to be due to the combined mass represented by a single particle, and the force calculation
continues to the next node. If the above criterion is not satisﬁed, the node is opened and
the next 8 sub-nodes are again treated as nodes, and according to the equation above
either treated as combined objects or opened further until the entire tree structure has
been examined.
As mentioned above, the force calculation using tree methods can be expressed using
multipole expansions. The force due to a node is the ﬁrst approximation of the multipole
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Figure 4.1: A 2D representation of the Barnes-Hut -tree construction (Springel et al.,
2001). The boxes are divided into smaller boxes until each particle is assigned to an
individual box. The empty boxes are not stored.
force, the inspection of the sub-nodes represents a slightly more accurate multipole force,
and the inspection of the sub-nodes is continued until the multipole forces result in the
desired accuracy. The advantage of the BH tree algorithm lies in the multipole approxi-
mations, which lead only to a logarithmically increasing O(N logN) number of operations
per time step. The tree algorithm requires thus orders of magnitude less operations than
direct summation for large N .
4.2 Integration and Time Steps
The accelerations of the particles in a simulation are obtained by integrating the force act-
ing on each of the particles. For this we need a numerical integrator capable of maintaining
the integration errors within speciﬁed limits for long periods of time. In GADGET-3 a
leap-frog integrator is used because of its excellent compatibility with second order diﬀer-
ential equations such as the acceleration due to a gravitational potential. There are two
types of leap-frog integrators available: the kick-drift-kick (KDK, see Fig. 4.2) procedure
where the particle is given a kick, i.e. the velocity is updated with a half a time-step, fol-
lowed by a full time-step drift where only the position of the particle is updated, followed
again by a half time-step kick, and the drift-kick-drift (DKD) procedure where the kick is
performed only once between two drifts. The large range of dynamical timescales in our
simulations requires varying time steps for moving particles, which enables accuracy in
high density regions at the expense of low density regions, as described later. The KDK
integrator has been shown to perform with dynamical time steps more accurately than the
DKD integrator (Springel, 2005), and the KDK integrator is thus used in GADGET-3.
The density of particles in mergers and especially in cosmological simulations varies
by many orders of magnitude depending on whether a particle resides in the inner regions
or at the outer edge of a galaxy, or for example at the edge of a cosmic void. A large
density tends to mean a large gravitational potential and frequent close encounters of
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particles. Particles in high density regions experience thus higher accelerations compared
to particles in low density regions, where they can travel unperturbed for long periods of
time. In addition to gravitational forces gas is also aﬀected by hydrodynamical forces.
To avoid unnecessarily frequent calculation of accelerations in regions of limited in-
terest, we give particles individual time-steps depending on the particle species and the
acceleration a during the last time-step. For collisionless particles the time-step is deﬁned
as
Δt = min
�
Δtmax,
�
2η�
|a|
�1/2�
, (4.8)
where Δtmax is a pre-deﬁned maximum value for a time-step, η is an accuracy parameter
with a typical value of η = 0.02, and � is the gravitational softening parameter discussed
in Ch. 4.1 (Springel, 2005). The collisional particles are given time-steps according to the
signal velocity between two particles. The collisional time-step is deﬁned by the Courant
condition
Δt =
Ccouh
max(vsig)
, (4.9)
where Ccou is a free parameter called the Courant factor, h is the hydrodynamical smooth-
ing length of the particle in question, described in Ch. 4.3. The factor max(vsig) gives
the maximum signal velocity, i.e. the maximum speed at which physical properties can be
exchanged between the particle in question and all of its neighbours (Springel, 2005), so
max(vsig) is eﬀectively the local sound speed.
Even though all the particles are given an individual time-step, the total arbitrarity
of the integration steps is limited by the binning of the time-steps of similar magnitude.
All the particles are roughly synchronized by keeping a global clock which deﬁnes the
overall progress of the whole simulation. The individual time-steps are thus divided into
discretized time-bins of the size of the global time-step divided by the power of two. Par-
ticles with large time-steps wait while the particles with smaller time-steps are integrated
a few times more. The global time-step gives the reference time (see Fig. 4.2).
Figure 4.2: An illustration of the time-stepping in the kick-drift-kick leap-frog integration
of GADGET-3 adapted from Springel (2005). The kicks before and after the drift include
half a time-step, and the drifts last for a full time-step. The time-steps of each particle
are subdivisions of the global time-step, which would be too long to ﬁt into this ﬁgure.
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4.3 Gas and the Subresolution Models
In galaxy scale N-body simulations we are dealing with macroparticles, where entire molec-
ular clouds or stellar populations are described by single particles. The behaviour of gas
is followed by sampling it as a discretized ﬁeld, and the properties of the macroparticles
are described by statistical subresolution models. The implementation of basic astro-
physics such as hydrodynamics, thermodynamics and feedback and their implementation
in GADGET-3, which was used to run the simulations in Ch. 5, are described next.
4.3.1 Smoothed Particle Hydrodynamics
As in the case of gravity, the hydrodynamical behaviour of ﬂuids can be described either on
a grid or using discretized particles, of which the latter is used in GADGET-3. A method
describing the hydrodynamics of nonaxisymmetric phenomena in a ﬂuid, smoothed particle
hydrodynamics (SPH), was formulated by Lucy and Gingold & Monaghan in 1977. In
SPH, a continuous ﬂuid such as gas is described by discretizing the ﬂuid. The properties
of the ﬂuid particles are averages of the local ﬁeld, obtained using integral interpolants. In
numerical simulations the integral interpolants are naturally substituted with summation
interpolants.
Reminiscent of the gravitational softening, there lies a smoothing kernel function
W (|r|, h) at the heart of the integral interpolants, deﬁned in GADGET-3 as (Springel
et al., 2001)
W
� r
h
�
=
8
πh3

1− 6 � rh�2 + 6 � rh�3, 0 ≤ rh < 12
2
�
1− rh
�3
, 12 ≤ rh < 1
0 rh ≥ 1.
(4.10)
Using W (|r|, h), the interpolant for the density of a gas particle i can be written as
ρi =
N�
j=1
mjW (|rij |, hi), (4.11)
where rij = ri − rj , hi is the smoothing length of the particle i, and the summation is
done over N neighbouring particles usually of the order of tens or hundreds. The idea of
SPH is to smooth over the properties of the particle ﬁeld, and the volume within which
the smoothing is performed is deﬁned by each particle’s individual smoothing length.
The smoothing length hi is deﬁned so, that the number of particles Nsph over which the
smoothing is done remains in a pre-deﬁned range, and it is thus given by
4π
3
h3i ρi = Nsphm (4.12)
where m is the average mass of the particles (Springel, 2005). More accurately, hi is here
deﬁned so as to keep the mass within the smoothing volume constant.
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The added hydrodynamical force acting on a gas particle is then obtained using a
density-entropy dependent equation of motion (Springel and Hernquist, 2002)
dvi
dt
= −
N�
j=1
mj
�
fi
Pi
ρ2i
∇iWij(|rij |, hi) + fj Pj
ρ2j
∇iWij(|rij |, hj)
�
, (4.13)
where fi takes into account the varying smoothing length and it is deﬁned as
fi =
�
1 +
hi
3ρi
δρi
δhi
�−1
. (4.14)
The pressure of the particle Pi is given as a function of Ai analogous to entropy and γ,
the polytropic index, as Pi = Aiρ
γ
i .
In the basic equations of the SPH formulation, gas does not feel any viscous forces and
entropy is conserved. When ﬂows of gas mix, the induced shocks generate entropy when
the motion of the particles is converted into heat. In SPH gases would just ﬂow past each
other, seeing only each other’s thermodynamical properties. This problem has been solved
by introducing an artiﬁcial viscosity term (Lucy, 1977) to the force calculation given by
dvi
dt
= −
N�
j
mjΠij∇iW ij , (4.15)
where Πij is basically a function of the dot product of the velocities and the coordinates of
the two particles i and j, andW ij is the arithmetic mean of the kernel functions of the two
particles (Monaghan and Gingold, 1983; Balsara, 1995). The factor Πij is nonnegative and
nonzero only when the particles are moving towards each other, i.e. when the dot product
is negative. The artiﬁcial viscosity is always negative, slowing down the approaching gases
just as the familiar ﬂuid viscosity would do. In addition, the viscous force is limited by
Balsara (1995) limiter in the basic GADGET-3 which adjusts the artiﬁcial viscosity by
following the ratio
fi =
|∇× v|i
|∇ · v|i + |∇× v|i (4.16)
and multiplying the viscous force between each particle pair by (fj + fj)/2. The limiter
is used to prevent unphysical angular momentum transport.
4.3.2 Cooling without Metals
Cooling is crucial in forming dense molecular clouds out of the interstellar medium and
in order for galaxies to form stars. The complex physics of cooling and heating of gas
includes collisional ionization and excitation, recombination, dielectric recombination, in-
verse Compton scattering, and bremsstrahlung (MBW10; see top panel of Fig. 4.3), but
the use of macroparticles prevents us from directly simulating the intricate thermodynam-
ics of individual atoms and molecules. The subresolution models of the basic GADGET-3
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assume collisional ionization equilibrium, a redshift-dependent ionizing ultraviolet back-
ground, and take into account radiative cooling and bremsstrahlung (Katz et al., 1996;
Yoshida et al., 2003). The cooling of a macroparticle is calculated by following the ther-
modynamical properties of the particle and the abundances of hydrogen and helium, and
by calculating the cooling rates of the diﬀerent ionization states explicitly.
A gas mixture consisting only of atomic states of the primordial elements hydrogen and
helium cools quite ineﬃciently and cannot cool below 104 K (see Fig. 4.3). Cooling below
104 K requires either molecules or metals. Molecules enable vibrational and rotational
transitions but cool even less eﬃciently than the atomic states. Metals are thus extremely
important in cooling processes since metals have a larger number of electrons with a
larger number of possible states and transitions. In addition, metals have lower ionization
energies. As presented in the bottom panel of Fig. 4.3, the presence of metals increases
the cooling rate of the gas by several factors or even orders of magnitude, depending on
the temperature and metallicity of the gas. In the basic GADGET-3 there is an option to
follow the overall metallicity, which is not employed in this Thesis. The amount of metals,
if followed, is bundled under a common parameter Z given by the ratio of the mass of the
metals Mmet to the mass of the gas Mgas as Z ≡ MmetMgas (Springel and Hernquist, 2003).
Only the overall evolution of the abundance of metals can thus be followed.
4.3.3 Star Formation and Supernova Feedback
Star formation and the associated cloud collapse are one of the most complex subjects in
astrophysics still lacking a complete theoretical understanding. This is mostly because the
related physics such as gravity, hydrodynamics and magnetohydrodynamics are all diﬃcult
to solve together. The observations of the inner parts of the clouds are also diﬃcult because
molecular hydrogen, the most abundant gas in the cold and dense cores of the clouds, is
a symmetric molecule and lacks the electric dipole moment. H2 is thus virtually invisible
at infrared wavelengths and it can only be observed via tracers such as carbon monoxide.
Here, however, we are not concerned with the details of star formation since we are dealing
with macroparticles, inside which star formation and the related feedback are treated as
statistical averages.
In the basic version of GADGET-3 the evolution of gas is followed using a self-regulated
multi-phase model by Springel and Hernquist (2003), where the gas in a particle is divided
into a hot and a cold phase. The cold phase with density ρc and temperature T∼ 1000 K
represents the clouds which eventually form into stars, and the cold clouds are embedded
in a 105 − 107 K hot medium with density ρh, represented by the hot phase. Mass is ex-
changed between the phases in both directions through cloud growth by radiative cooling,
star formation and cloud evaporation by supernovae. Cooling aﬀects the hot medium, the
two latter processes concern the cold clouds.
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Figure 4.3: Top: The cooling rate per hydrogen number density of primordial gas as a
function of temperature (Katz et al., 1996), where the strong temperature dependence of the
total cooling (marked with the thick solid line) can be seen. The peaks represent the cooling
of hydrogen and helium, and the dominating eﬀect at high temperatures is bremsstrahlung
(free-free radiation) due to the free electrons. Bottom: The cooling rate of gas including
metals, with hydrogen number density nH = 1 as a function of temperature (MBW10).
Diﬀerent metallicities are presented as a fraction of the solar metallicity Z�, where the
uppermost curve represents the cooling of a gas with solar metallicity and the lowermost
curve represents the cooling of primordial gas, corresponding to the thick line in the left
panel.
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In the multi-phase model the total density of gas is given by the sum of the densities
ρgas = ρc + ρh. The cold phase can convert its cloud mass into stars, if the density of the
gas exceeds a threshold density ρth considered as the limit for thermal instabilities. The
stellar density ρ∗ in the gas particle grows at a rate
dρ∗
dt
= (1− β)dρc
dt∗
, (4.17)
where β is the mass fraction of stars with a mass over 8 M� assumed to explode instanta-
neously as supernovae, based on the Salpeter initial mass function (Salpeter, 1955). The
characteristic time-scale for a cloud to convert gas into stars, t∗, is obtained by assuming
a relation to the local dynamical time-scale, proportional to ∝ ρ−1/2, as
t∗ = t0∗
�
ρ
ρth
�−1/2
, (4.18)
where t0∗ is the star formation time-scale of a cloud with the threshold density. Star
formation thus converts the cold clouds into stars at a rate given by
dρc
dt
= −ρc
t∗
. (4.19)
Feedback from supernovae (SN) is important in the context of star formation, because
the energy feedback from the SN may suppress star formation. The SN explosions heat
the surrounding cold cloud mass back to the hot phase, which is heated even further by
the escaping energy of the SNe. The cold gas phase evaporates due to SNe at a total rate
of
dρc
dt
= Aβ
dρc
dt∗
, (4.20)
where the eﬃciency factor A is assumed to be proportional to the local density as ∝ ρ−4/5.
The detailed type of the supernovae considered in the simulation code must be speciﬁed
only in the context of metal yields, and in the basic version of GADGET-3 the only
SN giving metal yields are the core collapse supernovae. Core collapse supernovae are
massive stars at the end of their lifetimes, and they release vast amounts of energy and
chemical elements into the surrounding gas when they explode. Therefore, in addition to
the heating, the supernovae in GADGET-3 also enrich the surrounding gas with metals.
Radiative cooling, in which heat escapes the hot gas, converts mass from the hot phase
into the cold phase. The rate of growth of the cold clouds is given by
dρc
dt
=
1
uh − uhΛnet(ρh, uh), (4.21)
where uh and uc are the speciﬁc energies of the two phases, and Λnet is the net cooling
function of hydrogen and helium calculated according to the previous Section.
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The cooling rate of gas in collisional ionization equilibrium scales as density squared.
Elevated cooling rates in denser regions thus increase the mass of the cold phase at the
expense of the hot phase. Cold regions form more stars, which in turn increases SN activity,
returning heat and mass into the hot phase, reducing again star formation. The balance of
these three processes makes the star formation model of GADGET-3 self-regulated. The
normalization of the star formation rate in the model reduces to only one parameter, t0∗,
which can be calibrated from observations. Observations by e.g. Kennicutt (1998) have
shown a tight power-law relation between the spatially averaged star formation rate and
surface density of gas in galaxies, which can be best ﬁtted with a value t0∗ ≈ 3.2Gyr, giving
a local star formation rate of
tSFR = 3.2Gyr
�
Σgas
10M�pc−2
�−1/2
(4.22)
for our simulated galaxies.
4.4 SPHGal
GADGET-3 has a large pool of developers working on including recent theoretical ad-
vances and observed astrophysics into the code. The most recent additions discussed next,
bundled under the new name SPHGal, include an improved SPH formulation, inclusion of
12 chemical elements, and the individual feedback from supernovae type Ia, core collapse
supernovae and asymptotic giant branch stars. The implementations in this Section are
used to run the simulations in Ch. 6.
4.4.1 Improvements to SPH
Pressure-entropy Formulation
One of the largest disadvantages of the basic density-entropy (DE) form of the SPH
equation is, that it has problems modeling contact discontinuities (Agertz et al., 2007;
Springel, 2010). Contact discontinuities emerge, when for example two gases with diﬀerent
temperatures mix, or when two gases ﬂow past each other in opposite directions, i.e. where
shear ﬂows appear. The density of gas is required to be continuous and it is smoothed on
the smoothing length scale, whereas the entropy on the diﬀerent sides of the discontinuity
might be diﬀerent by orders of magnitude. This leads to a sort of surface tension at the
discontinuity, which prevents the gases from mixing. To tackle this problem, a pressure-
entropy (PE) formulation of the SPH equations instead of a DE formulation has been
adopted in SPHGal (Hopkins, 2013; Hu et al., 2014). Instead of smoothing the density,
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the pressure of the gas is smoothed as
�P =
 N�
j=1
mjA
1/γ
j Wij(hj)
γ , (4.23)
where Aj is given by the same entropy relation Pi = Aiρ
γ
i as in Ch. 4.3.1. Note how
the smoothing of the pressure is straightforwardly related to the smoothing of the density,
when the deﬁnition of Pi is combined with Eq. 4.11.
Other changes to the new SPH formulation include the number of neighbours and the
smoothing kernel. The number of neighbouring particles, over which the SPH smoothing
is applied, is increased to 200 instead of the old 64 (Hu et al., 2014). This is done to
reduce the error in the equation of motion occurring due to the inhomogenous distribution
of particles (Read et al., 2010). However, the increase of neighbouring particles causes
pairing instabilities when the smoothing kernel in 4.3.1 is employed, so the old cubic spline
kernel has been replaced with a new kernel of the form W (r) ∝ (1 − r)6(1 + 6r + 353 r2)
(Price, 2012; Hu et al., 2014 ; for details related to the kernel, see Dehnen and Aly, 2012).
From this follows the pressure-entropy formulation of the equation of motion
dvi
dt
= −
N�
j=1
mj(AiAj)
1/γ
fij �Pi�Pi2/γ∇iWij(|rij |, hi) + fji
�Pj�Pj2/γ∇iWij(|rij |, hj)
 , (4.24)
where the variation of the smoothing length is again taken into account by
fij = 1−
�
hi
3A
1/γ
j
δ �Pi1/γ
δhi
��
1 +
hi
3 �ni δ �niδhi
�−1
, (4.25)
where the factor �ni is the number density of the particle given by �ni = N�
j=1
Wij . This
formulation of the equation of motion prevents the surface tension from occurring at the
discontinuity, and thus the gases can mix without suppression.
This formulation, however, gives rise to new problems, which would be absent in the
DE formulation. Volumes with high variation in levels of entropy, such as strong shocks,
may still have only relatively low variations in density. In these kind of situations distant
particles with high entropies may gain weight in the kernel exceeding the weight of the
more nearby particles, raising the noise in the pressure given by Eq. 4.23. Some variations
to the artiﬁcial viscosity given in Ch. 4.3.1 are thus required, along with the addition
of artiﬁcial conduction which smooths speciﬁc energies, and a time-step limiter to keep
time-steps of neighbouring particles similar to each others (Hu et al., 2014).
Even though the smoothed pressure in Eq. 4.23 is used to calculate the equations of
motion, the density of the particles is still needed for example when the cooling is consid-
ered. The traditional deﬁnition of density in Eq. 4.11 is still used where knowledge of the
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physical density is relevant.
Improvements to Artiﬁcial Viscosity
The basic formulation of the artiﬁcial viscosity (AV) in SPHGal is the same as in the
Ch. 4.3.1. What is diﬀerent from the basic version of GADGET-3 is the limiter, which
adjusts the strength of AV. Strong AV may cause unphysical angular momentum transport
in for example shear ﬂows, and thus the viscosity must be adjusted according to the local
properties of the velocity ﬁeld in the gas, just as explained in Ch. 4.3.1. In contrast to
the Balsara limiter, in SPHGal a stronger limiter
fi =
|∇ · vi|2
|∇ · vi|2 + |∇× vi|2 + 0.0001(ci/hi)2 (4.26)
is used where ci is the local sound speed and hi is the smoothing length. The formula-
tion above balances the weight of the vorticity and the divergence. This allows SPHGal
to handle situations where both shear ﬂows and strong shocks appear (Hu et al., 2014).
Shocks are detected before hand by an indicator, which allows rapid variation of AV where
shocks are present.
Artiﬁcial Conduction and the Time-step Limiter
Artiﬁcial viscosity can be thought of as a smoothing of the angular momentum. Analo-
gous to this, also the speciﬁc energy, or entropy, can be smoothed using artiﬁcial conduction
(AC). AC behaves just as thermal conduction; just like thermal energy is conducted in a
medium with conductivity η according to the thermal conduction equation du/dt = η∇2u,
in areas where the amount of entropy varies strongly the entropy can be smoothed by con-
duction between neighbouring particles (Hu et al., 2014). In the PE formulation AC is
used to smooth the entropy variations purely for numerical reasons, since, as mentioned,
the noise of the pressure estimate is increased in areas of high entropy variations. The
problem with the noise appears only when strong shocks are present, and thus the same
limiter as in the case of AV is used to suppress AC where only shear ﬂows are detected.
Another problem arises with the adaptive time-steps of the collisional SPH particles.
Shocks can evolve on short time-scales and small spatial distances, and particles with long
time-steps can happen to be inactive when a shock appears nearby. In SPHGal a time-step
limiter is introduced to maintain neighbouring particles within the same time-step by a
factor of four (Hu et al., 2014). The length of time-steps are also decreased if a shock is
approaching, and inactive particles are activated if approaching shocks are detected.
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4.4.2 Cooling with Metals
As mentioned in Ch. 4.3.2, metals aﬀect the cooling of gas signiﬁcantly. Simulations
concerning gas on galactic and cosmological scales have only during the last ten years
incorporated a more detailed treatment of metals, instead of the former practice where
only the cooling of primordial elements was considered. Even though metals are in atomic
states at the relevant temperatures exceeding roughly ∼ 104 K, the computation of the
interactions between photons, electrons and metal atoms with a high number of possible
energy levels is still highly complicated. The cooling phenomenon itself requires its own
computational methods, and a variety of codes such as CLOUDY (Ferland et al., 1998) are
available in the research community. To spare computational resources, the cooling rates
of diﬀerent metals have been adapted from published data in a tabulated form, and are
interpolated according to temperature, density, chemical abundances and redshift. The
cooling rate of metals is adapted from Wiersma et al. (2009), where CLOUDY was used
to obtain the cooling of optically thin gas in a collisional equilibrium with an ionizing
background.
The abundances of 12 most abundant elements in the Universe are therefore followed
in SPHGal. These elements are hydrogen, helium, carbon, nitrogen, oxygen, neon, magne-
sium, silicon, sulfur, calcium, iron and zinc. The initial abundance of elements is primor-
dial in cosmological simulations, and in merger simulations the abundances are taken from
observations of disk galaxies which usually resemble for example the abundances of the
Milky Way. The abundances evolve according to the metal production in supernovae and
massive stars (discussed in detail in the next Section). In addition to the internal variation
of abundances, the metal distribution can also vary through diﬀusion where the particles
exchange metals according to diﬀusion equation modiﬁed to the use of SPH (Aumer et al.,
2013).
Similar to the lower panel of Fig. 4.3, the cooling rate per hydrogen number density of
gas with solar metallicity is presented in Fig. 4.4, with the contribution from the distinct
elements separated. The cooling is dominated at diﬀerent temperature by diﬀerent ele-
ments, and in the relevant scale of temperatures between 104 K and 107 K the dominating
elements are mainly carbon, oxygen, neon and iron in addition to the familiar cooling
of hydrogen and helium. The upper end of the temperature range is dominated by the
primordial elements despite of the metals, since most of the electrons contributing to the
bremsstrahlung come from the ionization of hydrogen and helium.
4.4.3 Updated Feedback and Star Formation
The detailed modeling of the energy and metal feedback between stellar populations is
required for both self-regulated and observationally supported galaxy evolution in our
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Figure 4.4: The cooling rate per hydrogen number density of gas with solar metallicity as
a function of temperature (Wiersma et al., 2009). The black dashed line represents the
cooling of the primordial elements, and the coloured lines give the cooling of each element
followed in our simulations. The black line is the total cooling rate of the gas.
simulations. Increased abundance of metals aﬀects the cooling rate of gas and increases
star formation, whereas the energy injected into the gas may disperse cold clouds, i.e. de-
crease the density of gas, and prevent star formation. These eﬀects have been taken into
account in SPHGal by including detailed feedback from SN type Ia (SNIa), core collapse
supernovae (CCSN) of SN type II and Ib and asymptotic giant branch star (AGB) as
discussed in Aumer et al. (2013). The implementation is similar to the calculation of the
cooling rates; published data are used, from which the exact values are interpolated from
the tabulated values according to suitable parameters.
Stellar Feedback
Metals are synthesized both in the stellar interiors and in supernova explosions through
a wide variety of reactions. The energy feedback from SNe was already included in the
basic version of GADGET-3, but the metal yield came only from CCSN and the yield was
only considered as the overall abundance of all elements other than hydrogen and helium.
Now, as the metal abundances of the stellar and gaseous particles are followed explicitly
in SPHGal, the evolution of the abundances can be treated according to stellar evolution
models.
The range of initial stellar masses is assumed to be between 0.1 M� and 100 M�,
which can be loosely divided into three mass ranges according to the way they interact
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with their surrounding environment. The instantaneous CCSN enrichment comes, as in
the basic GADGET-3, from stars with masses above 8 M�. The metal yields are adapted
from Chieﬃ & Limongi (2004), with the exception of lowered yield for iron by a factor of
two to make the enrichment agree with observations. The the yields from the CCSN are
metallicity dependent, since the nuclear reactions responsible for further metal production
depend on the elements already present inside the supernova progenitors.
The SNIa feedback, on the other hand, comes from systems where the supernova pro-
genitors are assumed to be binary stars with a single carbon-oxygen white dwarf accreting
hydrogen from the companion star, corresponding to the W7 model of Iwamoto et al.
(1999). The end products of the old white dwarfs before the supernova are carbon, oxygen
and hydrogen, and the chemical content of a SNIa progenitor can be deﬁned as a func-
tion of the stellar mass. The metal yield, consisting mainly of the iron-group elements,
is considered in SPHGal to be only dependent on the mass and the initial mass function
(IMF) of the stellar population, although the individual yields may be more complicated
in reality.
The gradual stellar wind from stars with masses in the range of 0.8-8 M� has been
included in SPHGal to incorporate the feedback from the low to intermediate mass stars.
The stellar wind occurs during the asymptotic giant branch (AGB) phase, when these
type of stars are approaching the end of their lives. The fusion in the helium shell around
the core has been suppressed, and it ignites and pulsates every few thousand years, during
which the outer layers of the stars mix up. This enriches the outer layers and eventually
the surrounding environment with heavier elements. The metal and IMF dependent ele-
ment yields from the stellar populations are adopted from Karakas (2010).
Star Formation
The multiphase model of Springel & Hernquist (2003) has been replaced in SPHGal
by a stochastic model, where a gas particle spawns stars at a rate proportional to the
density and the dynamical time-scale of the gas (Scannapieco et al., 2005). This stochastic
model does not allow multiphase gas particles which were sort of hybrids between gaseous
and stellar particles, where part of the stellar matter was treated with hydrodynamical
equations inside the gaseous particles. In the stochastic model, every gas particle with a
mass mg has a weighed probability p∗ to spawn a star particle with a mass m∗ on each
time-step of length Δt given by
p∗ =
mg
m∗
�
1− exp
�
−c∗ Δt
tdyn
��
, (4.27)
where tdyn is the dynamical time of the gas particle given by tdyn = 1/
√
4πGρ∗. The factor
c∗ is the star formation eﬃciency related closely to Eq. 4.19 through ρ˙g = −c∗ρg/tdyn
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where the gas has only an overall density ρg. The star formation eﬃciency has typically
values of the order of 0.1− 0.001.
The star formation works as follows. The density of a gas particle must exceed a
speciﬁed critical density of the order of 0.1 − 1000 cm−3 to be able to form stars. A
random number is then drawn from a uniform distribution to see if the star formation
probability p∗ exceeds the drawn random value. A gas particle can produce a speciﬁed
number of generations of stellar particles as long as it has gas mass left, each of the new
star particles having the chemical properties of the gas particle. The new stellar particles
are then speciﬁed as a new species of particles in addition to the disk and bulge particles.
These new star particles are then the only stellar particles able to provide supernova and
AGB feedback, since they can in practice contain young and massive stars whereas the
disk and bulge stellar particles are assumed to contain only old stars.
Chapter 5
Simulations with Varying
Initial Conditions
5.1 Computational Information and Nomenclature
GADGET-3 uses message passing interface (MPI) to perform massively parallel simula-
tions, for which the resources of the Finnish CSC - IT Center for Science were utilized.
The recently upgraded supercomputer Sisu with a Cray XC40 architecture, physically lo-
cated in Kajaani, consists of 40512 computational cores was the primary tool used to run
the simulations in this Thesis. The upgrade of Sisu was performed during the simulation
work of this Chapter, which is why GADGET-3 was compiled and run also on the Intel-
based supercluster Taito, equipped with 9216 cores. Sisu is ideal for massively parallel,
eﬀectively scaling codes especially after the upgrade which gave it the title of the most
powerful supercomputer in Finland, whereas Taito is designed for single-core (i.e. serial)
and medium-sized parallel runs. The number of cores used in individual simulations was
64 on Sisu and 32 on Taito.
The ﬁrst set of simulations, containing 24 initial conditions (ICs) altogether, were run
using the basic version of GADGET-3. The goal of the simulations in this Chapter was for
us to compare the eﬀect of the diﬀerent dark matter distributions described in Ch. 3.1.3,
and to see if we could reproduce the morphology and velocity distributions described in
the PR13 simulations. PR13 employed a test particle program called Identikit (BH09),
which samples the parameter space of a given galaxy merger by running computationally
inexpensive but physically inaccurate low-resolution N-body simulations. Identikit was
used by PR13 to ﬁnd the best match of orbital and physical parameters for the four
galaxy mergers introduced in Ch. 2.3.2, and the results were veriﬁed by running self-
consistent low-resolution, collisionless N-body simulations using the Zeno-software written
and maintained by Joshua Barnes. In order to produce as similar ICs as possible to PR13,
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we adopted the best matching parameters found by PR13, such as the mass fractions of
the matter components and orbital parameters, described in Ch. 3.
In addition to morphological similarity, we wanted to compare our simulated mergers to
the observed properties of the four galaxy mergers reviewed in Ch. 2.3.2. The simulations
in PR13 were all collisionless, so for example the star formation rates or the evolution of
gas fractions could not be used as proxies for the success of the matches given by Identikit.
In order to compare to additional observations, all the ICs were run both with zero and
20% gas fractions, where the latter is a typical value for a quiescent, local disk galaxy
(MBW10).
To distinguish between diﬀerent types of ICs, an abbreviation system is used in the
naming convention of the simulations. Each simulation has a name containing three or
four symbols (listed in Table 5.1):
• the ﬁrst letter tells the name of the galaxy merger (A = Antennae, M = Mice, 5 =
NGC 5257, 2 = NGC 2623)
• the second letter tells the dark matter density proﬁle (S = SDH05 i.e. Hernquist
proﬁle, B = BH09 i.e. NFW proﬁle)
• the third letter tells if gas is present in the simulation (C = collisionless, G = 20%
of the disk mass is in gas)
• the fourth letter, if present, separates the SDH05 ICs into fast approaching (f = fast)
and slowly approaching (s = slow) as described in the next Section
Properties of the initial conditions are described in Tables 5.1, 5.2 and 5.3. In Table 5.1
the dark matter proﬁles and the number of particles of each particle type are given for one
of the galaxies in each of the ICs, in addition to the names of the ICs.
Name1 DM-Proﬁle2 Total3 Halo4 Disk5 Bulge6 Gas7
ASCf/s, MSCf/s, 5SCf/s, 2SCf/s Hernquist 64000 32000 24000 8000 -
ASGf/s, MSGf/s, 5SGf/s, 2SGf/s Hernquist 88000 32000 24000 8000 24000
ABC, MBC, 5BC, 2BC NFW 64000 32000 24000 8000 -
ABG, MBG, 5BG, 2BG NFW 88000 32000 24000 8000 24000
Table 5.1: The dark matter proﬁles and number of particles for each simulation for a
single progenitor galaxy. Both of the galaxies in each of the ICs were identical, so the
total number of the diﬀerent types of particles can be obtained by multiplying the numbers
by two. 1. name of the IC, 2. dark matter density proﬁle (following Ch. 3), 3. total
number of particles, 4. number of dark matter halo particles, 5. number of disk particles,
6. number of bulge particles, 7. number of gas particles.
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5.2 The Models
5.2.1 Progenitor Parameters and the Merger Setup
As already discussed, each of the equal-mass merger initial conditions were constructed
from two identical galaxies. The individual galaxy models were built with both Hernquist
and NFW dark matter density proﬁles and given exactly identical input parameters such
as the masses of the diﬀerent components and the spin parameter. This enables the
comparison of the eﬀect of having diﬀerent dark matter distributions without other varying
factors. The total mass, spin parameters, halo and bulge truncation radii of the progenitor
galaxies are listed in Table 5.2. Here all parameters but the spin parameters were obtained
from PR13. The λ spin parameters were adjusted to give disk scale lengths similar to the
ones in PR13, and to create rotational curves similar for the one shown in Appendix A of
BH09. The mass fraction set to each matter component were 15% for the disk and 5% for
the bulge, with the rest being dark matter.
The orbital parameters i and ω are given in PR13 for a clockwise orbital spin, which
is opposite to the counter-clockwise rotation in the TT72 system which corresponds to
our convention. Since the details of the progenitor orbits are not given in PR13, the
parameters were obtained through extensive testing, and they are listed in Table 5.3 for
each galaxy pair.
The BH09 ICs with the truncated NFW haloes are less extensive than real galax-
ies. When the same parameters are used in the progenitors of the SDH05 type ICs with
Hernquist haloes, the mass of the galaxies with Hernquist haloes is spread into a larger
volume and the galaxies end up being less concentrated. The less concentrated Hernquist
haloes result in weaker dynamical friction than the NFW haloes, which is why the initial
velocities given to the galaxies may produce so-called fast encounters between the SDH05
progenitor galaxies. In fast encounters the galaxies alter only each others trajectories via
a single passage (Barnes et al., 1998). To be sure that all of our progenitors merge even-
tually, an additional set of SDH05 initial conditions is created where the velocities of the
progenitors on Keplerian orbits are halved.
5.2.2 Collisionless Progenitor Properties
Let us ﬁrst examine the properties of the gasfree progenitor galaxies. Figures 5.1 and
5.2 show the total density proﬁles of each one of the galaxies up to the radius where the
density falls below 200ρcrit. Fig. 5.1 presents the BH09 galaxies with truncated NFW halo
proﬁles comparable to Fig. 3.2, while Fig. 5.2 shows the SDH05 galaxies with Hernquist
halo proﬁles. The truncation of the halo proﬁles at radius bh is clearly visible in the BH09
models.
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System Mtot [10
10 M�]1 λ 2 bh [kpc]3 bb [kpc]4
Antennae 4.0 0.066 19.3 78.8
Mice 3.3 0.083 38.7 158.0
NGC 5257/8 4.5 0.077 33.3 136.0
NGC 2623 0.3 0.0627 6.8 27.6
Table 5.2: Progenitor properties. Both galaxies in all ICs were identical, so the total
simulation masses can be obtained by multiplying by the masses by two. 1. Total mass of
the galaxy, 2. spin parameter, 3. truncation radius of the halo, 4. truncation radius of the
bulge.
System rperi [kpc]
1 rsep [kpc]
2 (θa,φa)
3 (θb,φb)
4
Antennae 4.925 60 (65◦, -75◦) (-70◦, 175◦)
Mice 14.813 100 (15◦, -55◦) (-25◦, 70◦)
NGC 5257/8 21.250 100 (95◦, -155◦) (-15◦, -70◦)
NGC 2623 0.863 25 (30◦, -60◦) (-25◦, 160◦)
Table 5.3: Orbital parameters: 1. Pericentric separation, 2. initial separation, 3. orien-
tation of the ﬁrst galaxy, 4. orientation of the second galaxy.
Figure 5.1: Density proﬁles of the total mass in the BH09 progenitor galaxies, as a function
of radius. The black line shows the value of 200ρcrit.
CHAPTER 5. SIMULATIONS WITH VARYING
INITIAL CONDITIONS 65
Figure 5.2: Density proﬁles of the total mass in the SDH05 progenitor galaxies, as a
function of radius. The black line shows the value of 200ρcrit.
Fig. 5.3 shows the circular rotational velocities due to the total mass distribution
for all of the galaxy models up to r = 20 kpc. The rotational velocities, given by
v(r) =
�
GM(r)/r, trace the enclosed mass distribution within radius r in the galax-
ies. Since the haloes of the SDH05 models are less concentrated, the total density proﬁles
and the rotational curves are lower in the SDH05 models compared the BH09 models. The
rotational velocities at three disk scale lengths mentioned in PR13 were matched with our
models having 5− 6% higher values, thus verifying that the disk properties of our models
are quite similar to the ones in PR13.
The mass of the galaxies is dominated by the disk in the central regions of the progen-
itors, which is realized as a bump in the total mass rotational curves. The least massive
merger, the NGC 2623, has the largest concentration parameter, which is why most of the
NGC 2623 progenitor’s mass is concentrated in the innermost few kpcs, in contrast to the
other progenitor galaxies. The extensive dark matter halo causes the velocity curve of all
the galaxies to ﬂatten at large radii in agreement with observed rotational curves.
In PR13 the disk scale lengths for the progenitor galaxies were set to be 1.5 kpc, 3.3
kpc, 2.8 kpc and 1 kpc for the Antennae, Mice, NGC 5257/8 and NGC 2623 respectively.
Table 5.4 shows the virial radii and the disk scale lengths of our progenitor galaxies. The
disk scale lengths are strongly dependent on the λ spin parameter, from which follows some
small deviations from the PR13 values. An especially low disk scale length was given for
the smallest galaxy NGC 2623, because with a 1 kpc scale lengths the disk would have
become too diﬀuse and the dark matter halo would have dominated even the central mass
distribution.
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Figure 5.3: The rotational curves of all progenitor galaxies visualized as the rotational
velocity curves as a function of radius. The solid curves show the BH09 models, and the
dashed curves show the SDH05 models.
System r200 [kpc] rd [kpc]
ABC 46 1.642
MBC 64 3.305
5BC 65 2.858
2BC 17 0.575
ASf/s 60 1.852
MSf/s 60 3.559
5Sf/s 68 3.132
2Sf/s 25 0.655
Table 5.4: The virial radii i.e. the radii at which ρ = 200ρcrit, and the disk scale lengths
of the progenitor galaxies in both the BH09 and SDH05 models.
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Figure 5.4: Density proﬁles of the matter components in a BH09 Antennae progenitor.
The black line shows the value of 200ρcrit.
As an example, ﬁgures 5.4 and 5.5 show the density proﬁles of the diﬀerent matter
components for both BH09 and SDH05 Antennae progenitors. The exponential cutoﬀ in
the disk density can be seen in both of the ﬁgures, and the most notable diﬀerence in the
models is the truncation of the halo in the BH09 model. The dominant mass component in
the innermost kpc is the bulge, beyond which the disk dominates the mass until the radius
reaches a few kpcs, where the dark matter begins to dominate the mass distribution. The
truncation of the bulge is not seen in Fig 5.4, since the truncation takes eﬀect at a radius
where the density of the bulge is already well below the critical density.
The Toomre stability parameter Q for the BH09 progenitor disks is shown in Fig. 5.6,
and for the SDH05 progenitors in Fig. 5.7. The Q has been analyzed up to the radius
of four disk scale lengths. From Ch. 3.3 we remember that Q ∝ κ(r)/Σ(r), therefore the
central regions have a high Q. This is due to the high epicyclic frequency in the central
region. The surface density decreases exponentially towards large r, so the analysis of Q
beyond a few disk scale lengths in not reasonable. The values of Q in diﬀerent parts of
the disks in both of the IC types are quite similar, which tells us that the stability of the
stellar disks is dominated by the rotational parameters. The only diﬀerence is due to the
disk scale lengths, which are consistently larger for the less concentrated SDH05 galaxies.
A major fraction of the disk volumes have a stability parameter slightly below 1. The
rotation of the galaxy aﬀects the properties of the disk, as the faster the disk rotates,
the smaller the surface density of stars becomes. The λ-parameters given in Table 5.2
deﬁne the disks of our models with surface densities a bit less than a completely stable
disk would have, resulting in Q ≈ 0.6 for most of the disk volume in each galaxy. The
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Figure 5.5: Density proﬁles of the matter components in a SDH05 Antennae progenitor.
The black line shows the value of 200ρcrit.
slightly unstable values of Q are due to the incomplete description of the galaxies in PR13
which lacks the rotational parameters of the galaxies. The λ-parameters were obtained by
matching the rotational curves of the galaxies with the ones based on PR13 and BH09,
and it seems that the only way to get similar results was to make the galactic disks slightly
unstable.
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Figure 5.6: The stability parameter Q of the BH09 progenitors as a function of radius.
The Q-parameters are plotted up to four disk scale lengths.
Figure 5.7: The stability parameter Q of the SDH05 progenitors as a function of radius.
The Q-parameters are plotted up to four disk scale lengths.
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5.2.3 Properties of the Gaseous Progenitors
The gaseous disks of the progenitor galaxies were set to contain 20% of the total disk
mass. The addition of the gaseous disk does not aﬀect the total mass density proﬁles of
the galaxies, because the gaseous disk has an exponential form reminiscent of the stellar
disk, and no new mass is added. The total mass density proﬁles presented in ﬁgures 5.1
and 5.2 are therefore quite valid for the gaseous progenitors as well.
Figures 5.8 and 5.9 show the density proﬁles of the matter components in both of the
gaseous Antennae progenitor models, which can be compared to ﬁgures 5.4 and 5.5. The
ﬁgures below indicate that the only change in the density proﬁles is to the stellar disk
component, which is slightly lowere due to the 20% decrease in the stellar mass of the
disk.
The stellar disk stability parameters shown in ﬁgures 5.6 and 5.7 remain practically
identical when 20% of the stellar mass is given to the gaseous disk, which again shows
that the stability of the disks is rather dominated by the rotational parameters, not the
distribution of mass. The rotation curves of the gaseous disks have similar shapes as the
rotational curves of the stellar disks, since both the stellar and gaseous disks have expo-
nential radial density proﬁles, so the total rotational curves of all the gaseous progenitor
galaxies are identical to the ones in Fig. 5.3.
Figure 5.8: Density proﬁles of the matter components in a gaseous BH09 Antennae pro-
genitor.
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Figure 5.9: Density proﬁles of the matter components in a gaseous SDH05 Antennae
progenitor.
5.3 Results
5.3.1 Collisionless Mergers
Morphology
All the simulations were run for 3 Gyr, during which snapshots were recorded every
10 Myr. The aim was to ﬁnd the time at which the simulations ﬁt the position and
velocity maps of their observed counterparts presented in PR13. The time of best match
was determined from the snapshots. The challenge in the process was that the mergers
can be viewed from arbitrary angles, and PR13 lacks the information for us to be able to
consistently reproduce the viewing angles of their results. The best ﬁts were thus found
again by a careful inspection of a three dimensional parameter space. However, PR13 gives
the Identikit plots for all four mergers containing a projected sky view in an x-y-plane and
line-of-sight velocity maps. The velocity ﬁts can be used to narrow the possible viewing
angles and were thus of great use in the ﬁtting process.
An example of a best ﬁt found for the Antennae galaxies is presented in Fig. 5.10. The
right column of the ﬁgure shows the best ﬁt found by Identikit in PR13 and the left and
middle columns show our best ﬁts found from the ABC and ASCs snapshots, respectively.
The PR13 ﬁt matches the observed morphology and the velocity maps quite well except
for the hook in the lower tidal arm, which is however present if not prominent in our ABC
and ASCs snapshots. The minor diﬀerences between our ABC ﬁt and the PR13 ﬁt are
most likely due to projection eﬀects caused by a slightly diﬀerent viewing angle, since the
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overall shape of the velocity maps in the two left-bottom panels are quite similar to the
PR13 maps in the two bottom-right panels.
The eﬀect of the dark matter density proﬁle on the morphology of the merger can be
seen by comparing the left column to the middle column in Fig. 5.10. The more concen-
trated NFW proﬁle has a steeper gravitational potential and thus causes stronger tidal
eﬀects when compared to the shallower Hernquist proﬁle. The tidal tails in the ABC model
are well extended, whereas the tidal tails of the ASCs model remain less prominent, yet
clearly visible. The strength of the tidal eﬀects has also a major impact on the behaviour
of gas in the disks, which will be discussed later.
CHAPTER 5. SIMULATIONS WITH VARYING
INITIAL CONDITIONS 73
Figure 5.10: The best ﬁt snapshots of the ABC (left column) and the ASCs (middle column)
found by comparing to the best ﬁt found by Identikit in PR13 (right column). The top row
shows the projected x-y positions of the stellar disks, the middle row shows the line-of-sight
velocities of the disk particles as a function of the positions of the particles on the x-axis,
and the bottom row shows the line-of-sight velocities of the disk particles as a function
of the positions of the particles on the y-axis. The contours in the top right panel show
observed HI emission, and the darker pixels in the two bottom-right panels represent the
strength of the emission lines along each projection (Hibbard et al., 2001)
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The Time of Best Match
The times of best match tbest, deﬁned as the time from the beginning of a simulation,
are given in Table 5.5 from our collisionless BH09 and SDH05 models and from the Identikit
results in PR13. Only the slow approaching SDH05 models are shown. This is because out
of the fast approaching sample, the MSCf barely merged in the 3 Gyr and 5SCf produced
a fast encounter, and thus they cannot be compared to the BH09 sample or the PR13
results.
Our ABC and 5BC models give quite similar tbest when compared to PR13, and the
MBC and 2BC models give both a value 100 Myr higher than in PR13. The 100 Myr
diﬀerence is at least partly due to inaccuracies in the initial separation values, since they
are given in PR13 with an accuracy of 5-10 kpc resulting in a timing error of 115 Myr for
MBC with an initial velocity of ∼85 kms−1 and 100 Myr for 2BC with an initial velocity
of ∼50 kms−1.
BH09 tbest [Myr] SDH05 tbest [Myr] PR13 tbest [Myr]
ABC 430 ASCs 390 Antennae 410
MBC 500 MSCs 560 Mice 390
5BC 530 5SCs 540 NGC 5357/8 550
2BC 410 2SCs 390 NGC 2623 330
Table 5.5: The time of best ﬁt found by comparing our BH09 and SDH05 simulation
snapshots to the position-velocity ﬁts in PR13. The accuracy of our reproduced BH09
models can be evaluated by comparing columns 2 and 6, and the diﬀerence between the
reproduced BH09 models and our SDH05 models can be seen by comparing columns 2 and
4 (see text for discussion).
The halving of the parabolic velocities in the SDH05 models gives the galaxies diﬀering
initial velocities compared to the BH09 models. This aﬀects the tbest of the SDH05 models
in two ways. The slower approaching galaxies reach their ﬁrst pericenter later than the
galaxies on the standard parabolic orbits. On the other hand, the relatively slow velocities
at the ﬁrst pericenter give dynamical friction and tidal forces more time to take eﬀect and
cause the evolution of the mergers after the ﬁrst passage to accelerate. This should not
be confused with the eﬀect of the dark matter proﬁle, because if the BH09 type galaxies
would be approaching on as slow velocities as the SDH05 type galaxies, the orbital decay
of the BH09 galaxies would be much faster than in the SDH05 mergers due to the denser
DM proﬁle.
The eﬀect of the lower velocity can be visualized by plotting the nuclear separations of
the galaxies, measured from the centers of mass of the bulges, during the mergers. Figures
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Figure 5.11: The nuclear separation of each of the mergers in the collisionless BH09
sample. The black line corresponds to the gravitational softening of 0.14 kpc, below which
the galaxies are not separable anymore and are assumed thus to have coalesced. The
coloured arrows mark the time of best ﬁt according to Table 5.5.
5.11 and 5.12 show the evolution of the nuclear separations of all the four mergers in the
BH09 and the SDH05 simulations, respectively. The tbest values are marked with arrows,
and the values below the gravitational softening are assumed to correspond to coalescence
and are not plotted. As can be seen by comparing Fig. 5.12 to Fig. 5.11, the timing of
the ﬁrst pericenter in the SDH05 mergers is delayed by 50 − 100 Myr. The accelerated
decay of the relative orbits of the galaxies after the ﬁrst pericenter is also clear in Fig.
5.12 compared to Fig. 5.11, as the ﬁnal coalescence occurs earlier in the SDH05 mergers.
The net eﬀect is, however, that the best ﬁt is found only at slightly diﬀerent timesteps in
the SDH05 mergers and the mergers are thus in the same point of the merger evolution
at the time of tbest.
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Figure 5.12: The nuclear separations of each of the mergers in the collisionless SDH05
sample. The black line is the same as in Fig. 5.11. The coloured arrows mark the time
of best ﬁt according to Table 5.5. The ambiguous behaviour of the nuclear separation of
the smallest merger 2SCs after the ﬁrst passage is due to the tidal tails. The tidal torques
in the SDH05 model of the NGC2623 merger disturb a large fraction of the stellar mass
in the galaxies, which makes the deﬁnition of the center of mass diﬃcult, since we are in
practice not interested in the tidal tails or the disrupted outer parts but in the remaining
nucleus.
5.3.2 Gaseous Mergers
Characteristics of the Star Formation Rate
Adding gas to the merging galaxies causes only minor changes in the overall dynamics
of the mergers. Star formation and the subsequent feedback from the new stars is coupled
to the behaviour of gas and the new stars themselves, but the impact on the old stars in the
disk and the bulge is only indirect through slight variations in the gravitational potential.
The overall morphology of the mergers is thus not dependent on the gas content as long as
the distribution of the other matter components is not changed. This allows us to compare
the impact of the dark matter density proﬁles on the star formation rate in the gaseous
mergers with the help of the properties acquired already from the collisionless mergers.
Figures 5.13 and 5.14 show the star formation rates (SFR) of all four mergers during
the 3 Gyr simulation time with the BH09 initial conditions (Fig. 5.13) and the SDH05
slowly approaching initial conditions (Fig. 5.14). The overall shape of the SFR curves
can be described schematically. The bump in the SFR curves with the peak value of SFR
represents the ﬁnal coalescence of the two galaxies in each merger. During the coalescence
gas is funneled through tidal forces into the central area of the merger remnant causing
the formation of a large amount of new stars. The peak SFR phase corresponds also to
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the AGN/(U)LIRG/QSO stage of the merger discussed in Ch. 2.3. The shape of the
SFR curves before the peak SFR phase depends on the kinematics of the ﬁrst encounter.
Massive and extended tidal tails carry large amounts of the gas in the disks along the tails
preventing high SFR during the ﬁrst encounter. On the other hand, if the merger is for
example a retrograde one with no prominent tidal tails, the gas in the disks remains in the
vicinity of the stellar disks, causing a continuously elevated SFR in the perturbed gaseous
disks already before the ﬁnal coalescence.
The star formation activity of the Antennae galaxies (black curve in ﬁgures 5.13 and
5.14) is a good example of the eﬀect the tidal tails have on the SFR. The time of the
ﬁrst encounter right after 100 Myr, consistent with the nuclear separation in ﬁgures 5.11
and 5.12, causes only small bumps in both of the SFR curves indepent of the dark matter
proﬁle. The tidal tails of Antennae extend further than in any of the other mergers, and
the SFR rises rapidly to its peak value shortly after the coalescence at 400 Myr, again
matching with the nuclear separation.
For comparison, the Mice merger has SFR curves quite diﬀerent from the SFR curves
of Antennae. The tidal perturbations in the Mice galaxies cause wide and diﬀuse tidal
traumas rather than clear tidal tails, which causes strong, continuous disruptions in the
gaseous disks of the galaxies. According to the nuclear separation in ﬁgures 5.11 and 5.12,
the ﬁrst encounter of Mice happens at 300 Myr and 400 Myr and the second encounter at
1100 Myr and 900 Myr, respectively. After the ﬁrst encounter the shape of the SFR curve
of the Mice (green) in ﬁgures 5.13 and 5.14 rises smoothly with time before the second
encounter. Larger fraction of the gas in the Mice galaxies, compared to Antennae, has al-
ready been converted into stars during the time before the coalescence. The fraction of gas
capable of shocking and star formation is thus smaller in the Mice than in Antennae, and
the rise to the peak value of SFR in the Mice merger is a lot smoother than in the Antennae.
The Impact of the Dark Matter Proﬁle on the SFR
It is apparent that Figures 5.13 and 5.14 are not identical. Both the peak values of
SFR and the shape of the SFR curves for each merger varies in the two ﬁgures. The
behaviour of gas follows the dynamics of the stellar disk, which is coupled to the density
proﬁle of the dark matter halo. By looking at the overall shape of the curves in the two
SFR plots, the SFRs of the BH09 models seem to vary on a larger scale and on shorter
time scales than the SFR of the SDH05 models. As mentioned earlier, the truncated NFW
haloes of the BH09 models cause strong dynamical friction, causing large amounts of gas
to be transported into the central area of the merger during the rapid orbital decay. The
less dense Hernquist haloes of the SDH09 models allow a less violent orbital decay, with
less gas transportation into the central region even during the ﬁnal coalescence.
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The Mice and NGC 5257/8 are clear examples of the eﬀect the dark matter density
proﬁle has on SFR. In Fig. 5.13 there is a clear rise in the SFR of the Mice (green) and
NGC 5257/8 (blue) during the ﬁnal coalescence which can be pointed out from the SFR
curve quite straightforwardly, whereas in Fig. 5.14 the SFR only increases and decreases
smoothly before and after the ﬁnal coalescence without a clear indicator of the exact
moment.
The violence of the star formation at the time of coalescence aﬀects also the total
amount of stars formed during the merger and thus aﬀects the matter composition of
the merger remnant. After the merger remnant relaxes, the variations in the gravitational
potential cease and the heated, unshocked gas settles into a quiescent phase which does not
contribute signiﬁcantly to the amount of new stars. Higher SFRs during the merger causes
thus a larger amount of new stars to form, from which follows that the amount of new
stars in the BH09 models is larger than in the SDH09 models. The gas content behaves
of course as an inverse of the new star content. At the end of the 3 Gyr simulations, the
BH09 models of Antennae, Mice, NGC 5257/8 and NGC 2623 had formed 2.0%, 17.0%,
7.6% and 9.9% more new stars, respectively, than their SDH05 counterparts.
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Figure 5.13: Star formation rate of the BH09 mergers during the entire 3 Gyr simulation.
Figure 5.14: Star formation rate of the SDH05 mergers during the entire 3 Gyr simulation.
Chapter 6
The Eﬀect of the Updated
Astrophysics
Development of computational hardware and software has made it possible to simulate the
physics of the interstellar medium on increasingly smaller scales. The star formation and
feedback models of Springel & Hernquist (2003) were constructed to satisfy the equations
of self-regulated star formation because of the lack of methods to describe all the necessary
physics involved. Nowadays the parallelized supercomputers can be utilized to simulate
astrophysics of practically almost any given resolution, provided that suﬃcient software
exists. The community involved with star formation and stellar feedback has produced
a vast amount of models describing the behaviour of diﬀerent types of stars during their
lifetimes with a variety of metallicities. The development of these astrophysical models has
allowed the galactic scale community to construct subresolution models for each feedback
mechanism, removing the need for the star formation to be self-regulated by construction.
The parameters controlling the star formation in SPHGal are the star formation eﬃ-
ciency c∗ and the critical number density of gas at which stars can form, ncrit, as described
in Ch. 4.4.3. In the Springel & Hernquist (2003) star formation scheme c∗ is indirectly
included in the star formation timescale speciﬁed by the Schmidt-Kennicutt law and ncrit
is calculated based on the assumption of self-regulation (Springel and Hernquist, 2003). In
SPHGal these two parameters must be given as inputs to the code. Four new simulations
with Hernquist DM haloes were run using SPHGal: two isolated Antennae progenitors
with two values of ncrit, and two Antennae mergers with the same two ncrit values. The
Springel & Hernquist model used in the previous Chapter had a density threshold of
ncrit ≈ 0.1 cm−3, which was also used in the SPHGal simulations of this Chapter along
with the two orders of magnitude larger value of ncrit ≈ 10 cm−3. The value of ncrit tells
the code above which number density a gas particle can be turned into a stellar particle.
Since realistic molecular clouds exceed densities of 104 cm−3 before star formation, the
values used in these numerical simulations are obviously quite low. The low values of ncrit
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can however be justiﬁed by the fact that our gaseous macroparticles contain entire molec-
ular clouds. The value of ncrit must be thought more as the critical mean density of gas
rather than the density of the regions of gas where stars are born, since these SF regions
are not resolved in the simulations. Finally, the star formation eﬃciency was set in the
SPHGal simulations to a value c∗ = 0.02, whereas in the old model it changed depending
on the cold gas mass and the star formation timescale.
6.1 Isolated Antennae Progenitors
The low resolution models in this Thesis worked well with the old subresolution models
which were essentially designed for low resolution simulations, but the simulations run with
the new subresolution models produced quite curious star formation rates compared to the
standard GADGET-3 runs. The easiest way to compare only the diﬀerences between the
standard GADGET-3 and SPHGal is to plot the star formation rates of identical isolated
galaxies run with the two simulation codes. Fig. 6.1 shows the SFR of three identical
Antennae progenitor galaxies with a Hernquist halo, that is the ASGs model, run in
isolation for 3 Gyr. The self-regulated SFR is evident in the black curve representing the
old Springel & Hernquist scheme, which begins to form spiral arms and produce stars at
a constant ∼ 8 M�/yr rate until the disk reaches stability. Once the disk is stable, the
SFR decreases to a typical disk galaxy SFR value of a few M�/yr or less.
The galaxies run with SPHGal, represented by the green and blue curves in Fig. 6.1,
behave quite diﬀerently. Firstly, they have a lot more irregular SFR on small timescales
due to the fact that the star formation is now regulated by feedback from SNe, which
can be quite non-uniform both spatially and temporally. Secondly, during the ﬁrst 500
Myr the SFRs of the isolated disks reach values comparable to the SFRs of the merging
galaxies in the standard GADGET-3 runs, which is obviously not a typical state for a
quiescent, isolated galaxy. After the disks reach equilibrium, the SFRs of these galaxies
reach average values similar to the SFR of the standard GADGET-3 runs, showing that the
quiescent star formation works quite similarily in both the old and the new astrophysical
subresolution models when the disks are stable.
Why is the behaviour of gas during the ﬁrst half Gyr so diﬀerent in the two schemes?
The answer lies in the setup of the initial conditions. In the beginning of an SPHGal
simulation the galaxy consists of dark matter, primordial gas and old stellar particles
in the disk and bulge. Particles capable of feedback, i.e. the new stars, are spawn as
a product of star formation from the gas particles. The code begins to search for star
formation eligible particles from the whole gaseous disk at the instant the simulation is
started, and no feedback is initially present in the disk to prevent the cooling of gas. As
the regulation of cooling from the feedback mechanism is missing, the spiral arms forming
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Figure 6.1: Star formation rate of three ASGs progenitor galaxies. Black curve shows
the standard Springel & Hernquist model, and the green and blue curves show the new
SPHGal model with critical gas number densities of ncrit ≈ 0.1 cm−3 and ncrit ≈ 10 cm−3,
respectively.
in the stellar disk end into a sort of a small scale runaway star formation cycle. This is
probably made worse by the formation of metals in the ﬁrst supernovae, which spread the
metals into their surrounding gas and thus accelerate the cooling of gas. Only after the
amount of new stars grows large enough to regulate the star formation, can the gaseous
disk reach a quiescent phase.
The lack of new stars could be avoided by creating initial conditions so that the disk and
bulge particles were already initially deﬁned as the type of particles capable of feedback, i.e.
new stars born before the beginning of the simulation. This requires the stellar populations
to have ages to regulate the amount of feedback they should produce: older stars cannot
for example explode as CCSN. To make the initial conditions even more realistic the stellar
and gas particles should be given initial metallicities corresponding to typical disk galaxy
metallicities at a given redshift, because the chemical composition of disk galaxies has
evolved during the evolution of the Universe. The presence of a supermassive black hole
(SMBH) would also regulate the star formation in the central region of the disk, since
accretion of matter onto the SMBH releases energy to the surrounding gas heating gas
and preventing star formation.
The features described above will be applied in the future when more merger sim-
ulations are run. However, the problems described here can be avoided by running a
full cosmological simulation and by selecting desired mergers from the simulation volume.
These selected regions would then be simulated with higher resolution to give the details
of the merger, with the metal content and age distribution of stars resulting naturally from
the evolution of the cosmological simulation.
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6.2 Antennae with Updated Astrophysics
Now as we know how the progenitor galaxies behave in isolation with the updated astro-
physical subresolution models, we can again put the galaxies on colliding orbits and see
how the mergers run with SPHGal diﬀer from the standard GADGET-3 runs. Fig. 6.2
shows the SFR curves analogous to Fig. 6.1 for the mergers, run with the star formation
parameters described in the beginning of this Chapter. The black curve shows again the
standard GADGET-3 ASGs merger which is the same as in Fig. 5.14, and the green and
blue curves show the SPHGal ASGs mergers with ncrit ≈ 0.1 cm−3 and ncrit ≈ 10 cm−3.
The importance of the isolated progenitor control sample is apparent in Fig. 6.2: a sim-
ilar elevated SFR as in the isolated case can be seen at the beginning of the simulation.
The elevated SFR during the ﬁrst 250 Myr is thus a property of the progenitor galaxies
themselves, not a product of for example tidal forces between the two galaxies.
The basic level of SFR in the SPHGal runs is thus an order of magnitude higher than
the standard GADGET-3 run when the galaxies reach their ﬁrst pericenter during 150-250
Myr, but there is still only a small bump in the SFR during the ﬁrst passage. However,
the second passage at 300-350 Myr produces a visible bump in the SFR in the SPHGal
runs especially in the ncrit ≈ 10 cm−3 run, whereas the SFR of the old model rises only
by a few M�yr−1. Interestingly, at the time of coalescence at 400 Myr the SFR in the
SPHGal runs increases by an order of magnitude and it is three times higher than in the
standard GADGET-3 run, even though the mergers with the new model have produced
already 2.5 times the amount of stars produced in the mergers with the old model. 30%
and 70% of the initial gas mass is present at the time of coalescence in the SPHGal and
standard GADGET-3 runs, respectively, and yet the new model produces a signiﬁcantly
more intense starburst than the old model, apparently independent of the critical gas
density. Because the birthrate of new stars is so high at the time of coalescence, the
consequent feedback is also very intense and suppresses the star formation in a few tens
of millions of years, where in the old model it takes 1.5 Gyr to reach a constant SFR after
the merging. Note, however, that the SFR of the SPHGal mergers remains on a level of
8 M�/yr as it continues to convert the gas funneled into the central regions into stars.
The level of SFR is quite high for a local spiral galaxy, but on the other hand a high SFR
might be expected for a merger remnant. The merger remnant runs out of cold gas 1.3
Gyr after the merger, after which the remnant is reminiscent of an elliptical galaxy with
a spherical shape and only negligible amounts of cold gas.
In addition to the SFR itself, the spatial star formation activity is also an important
proxy for how realistic the merger appears to be. Fig. 6.3 shows again the projected x-y
positions of the stellar disks from the three simulations at tbest, with the gaseous particles
eligible for star formation plotted with green. The left panel shows Antennae run with the
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Figure 6.2: Star formation rates of the ASGs merger with three diﬀerent star formation
models. The black line shows the run with the standard GADGET-3, and the green and
blue lines show the SPHGal runs with ncrit ≈ 0.1 cm−3 and ncrit ≈ 10 cm−3, respectively.
The arrows show the approximate times of the ﬁrst passage, the second passage and the
coalescence from left to right.
old model, while the two right side panels are the SPHGal runs with ncrit ≈ 0.1 cm−3 and
ncrit ≈ 10 cm−3. The stellar distributions are quite similar with only minor diﬀerences in
the clumping of the stellar particles.
The areas of possible star formation, on the other hand, vary dramatically between
the old and the new astrophysical model. Even though the two left panels have the same
critical gas density, the old model has star forming regions also in the tidal tails, whereas
the new model has star formation only in the central region. The star forming region is
even smaller when the critical gas density is increased by two orders of magnitude, which
is seen in the rightmost panel of the plot. An important property related to the star
formation scheme in these simulations arises when the two right side panels are compared:
even though the star formation eligible regions in the two right side plots are quite diﬀerent,
the SFRs in these regions are on the same level as discussed in the context of Fig. 6.2. The
fact that the SFRs of these mergers are so similar in both ﬁgures 6.1 and 6.2, independent
of the number or the location of gas particles capable of star formation, indicates that the
strongly cooling gas particles form stars eventually whether or not the star formation is
followed to larger densities. The SFR parameters do not aﬀect the amount of new stars
but only the spatial distribution of the new stars and thus the ﬁnal distribution of the
remaining gas and new stars in the merger remnant.
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Figure 6.3: The spatial distribution of stellar disk particles (red and black) and possibly
star forming gas particles in the ASGs merger run with the standard GADGET-3 (left
panel) and SPHGal (two right panels). The gas particles with number densities over the
critical gas density of ncrit ≈ 0.1 cm−3 (two left panels) and ncrit ≈ 10 cm−3 (right panel)
are plotted with green.
Metallicity of Gas and New Stars in the Remnants
A new, interesting property which we are able to follow with the aid of the new as-
trophysical subresolution models is the abundance of the 12 most common elements (H,
He, C, N, O, Ne, Mg, Si, S, Ca, Fe and Zn). The galaxies in our merger sample start
with a primordial composition with no elements other than hydrogen and helium, which
helps us to trace the evolution of the metals from zero abundance onward. Predictions of
for example the common observables such as the abundance of oxygen, and the presence
or the lack of a spatial metallicity gradient in the merger remnant can now be studied in
detail.
Figures 6.4 and 6.5 show the metallicity of the merger remnant in both of the SPHGal
ASGs mergers. The upper panel in both of the plots shows the metallicity of each gas and
new stellar particle as the mass ratio of the mass of all metals in the particle divided by the
total mass of the particle. The lower panels show the local mean metallicity of the merger
remnants with the particles smoothed in 50 particle bins by dividing the mass of metals
in the 50 particles by the total mass of those 50 particles. The solar metallicity is shown
by the red vertical line at MZ/Mtot = 0.02 as a guideline. In both of the ﬁgures a few
characteristic properties can be seen. The central region within ∼ 2 kpc from the center
of mass of the remnant is the most metal abundant region in both of the simulations.
The central region of the merger is the most active site of star formation, so most of the
metals are produced and distributed by the new stellar particles in the central region of the
remnant. Outward from the 2 kpc radius the metallicity curve seems quite ﬂat indicating
a lack of a metallicity gradient outside of the central region. The local mean metallicity
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Figure 6.4: Top panel: the metallicity MZ/Mtot of all of the gaseous and new stellar
particles in the ASGs merger run with SPHGal, with critical gas density of ncrit = 0.1
cm−3. Bottom panel: the same as the top panel but with particles smoothed in 50 particle
bins from the center of mass outwards to give the metallicity gradient, i.e. the local mean
densities. The red line at MZ/Mtot = 0.02 shows the solar metallicity.
decreases below solar metallicity already at a few hundred parsecs from the center of mass
of the galaxy. The metallicities in the two mergers with two critical gas densities are quite
similar, except that the most metal rich particles are a bit more metal abundant in the
ncrit = 10 cm
−3 run compared to the ncrit = 0.1 cm−3 run. The bump at r ≈ 9 kpc in
Fig. 6.5 is due to the fact that the merger remnant has not reached equilibrium quite yet.
Some structure, consisting probably of the remains of the tidal tails, is present in the outer
parts of the remnant in Fig. 6.5 as a concentration of more metal abundant material.
The abundances of each metal in the merger remnant of ASGs are shown in Fig. 6.6
where the mass of each metal in the merger remnant is scaled to the hydrogen mass of the
entire merger remnant. Both of the SPHGal runs produced the same amount of elements,
which is to be expected when most of the gas is converted into gas by the end of the
simulations and both of the simulations begin from a zero metallicity. The yields are set
by the subresolution models governing the star formation and feedback introduced in Ch.
4.4.3, which are based on evolutionary models and simulations of a large range of stars.
In the future the high resolution simulations run with the models introduced here may
produce valuable data for observational astronomers in the form of predictions on where
and in how large quantities of diﬀerent elements should be found in galaxies at diﬀerent
stages of their evolution.
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Figure 6.5: Top panel: the metallicity MZ/Mtot of all of the gaseous and new stellar
particles in the ASGs merger run with SPHGal, with critical gas density of ncrit = 10
cm−3. Bottom panel: the same as the top panel but with particles smoothed in 50 particle
bins from the center of mass outwards to give the metallicity gradient. The red line at
MZ/Mtot = 0.02 shows the solar metallicity.
The metallicity or the metal gradient is usually observed using for example oxygen,
the most abundant metal in galaxies, and the total metal content is interpreted from the
abundance of the observed element. Observations of the oxygen abundance are usually
presented in dex-units deﬁned as
12 + log
NO
NH
, (6.1)
where NO is the number of oxygen atoms and NH is the number of hydrogen atoms. Fig.
6.7 shows the oxygen abundance in the inner 10 kpc in the ASGs merger remnant, prac-
tically identical with both ncrit = 0.1 cm
−3 and ncrit = 10 cm−3. The oxygen abundance
is shown in dex-units in the top panel of Fig. 6.7, while the oxygen abundance is given
as relative to hydrogen abundance in the bottom panel of Fig. 6.7, just to make easy
comparison to Fig. 6.5 possible. The particles are smoothed in 50 particle bins to give the
radial mean abundance. An apparent gradient in the oxygen abundance can be seen in
the inner regions of the merger remnant, which can be expected since the most abundant
element in the merger remnant according to Fig. 6.6 is oxygen. Since oxygen is more
abundant than the other metals at least by a factor of three, the metal gradients in ﬁgures
6.4 and 6.5 follow consistently the oxygen gradient in Fig. 6.7.
The metal abundances in this Chapter are however only schematic and the primordial
composition of the progenitor disks makes the results quite naive. To investigate the realis-
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tic evolution of metal gradients during simulated mergers the progenitor disks should have
an initial metallicity, and this requires again the detailed age and metallicity information
to be given to the stellar and gaseous particles. This way the simulated mergers could for
example provide constraints for the formation histories of observed stellar populations.
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Figure 6.6: The abundance of metals at the end of the simulations given as the mass of
each metal in the remnant scaled with the hydrogen mass in the remnant. The abundances
produced in the two SPHGal simulations with ncrit ≈ 0.1 cm−3 and ncrit ≈ 10 cm−3 were
practically identical, following the subresolution model of metal enrichment discussed in
Ch. 4.4.3.
Figure 6.7: The abundance of oxygen presented in dex-units (top) and relative to hydro-
gen abundance (bottom) in the ASGs merger remnant. The particles are smoothed in 50
particle bins to get the radial mean abundance of oxygen. Both of the simulations with
ncrit ≈ 0.1 cm−3 and ncrit ≈ 10 cm−3 produce quite identical results, but the abundance of
the ncrit ≈ 10 cm−3 run is plotted here to verify that the oxygen abundance is higher in
the region of the bump seen also in Fig. 6.5.
Chapter 7
Conclusions
In this Master’s thesis I have studied some basic physical and observational properties of
merging galaxies using numerical simulations. Because we can only see a snapshot of the
evolution of galaxies on the sky, the evolution of galaxies must be studied numerically
using software speciﬁcally designed to model the physics of baryonic and dark matter in
the Universe. To get a handle on the recent advances in the ﬁeld of numerical extragalac-
tic astrophysics, I have run equal-mass galaxy merger simulations using the numerical
simulation code GADGET-3 and its recently updated version SPHGal. In the Thesis I
have reviewed the basic physics modeled by GADGET-3 and the diﬀerences between the
astrophysical subresolution models in the standard GADGET-3 and SPHGal, which are
used to describe the behaviour of gas and feedback from stars in galaxies.
The most crucial new features in SPHGal are the improved pressure-entropy formu-
lation of the smoothed particle hydrodynamics, the detailed monitoring of the 12 most
common elements, and the updated star formation scheme with stochastic star formation.
The feedback processes have been updated to take into account the energy injection and
metal feedback from type Ia supernovae and metal feedback from asymptotic giant branch
stars, in addition to the feedback from the core collapse supernovae already included in
the standard GADGET-3. Following the monitoring of the detailed metal content of the
gaseous macroparticles, the strong metal dependency of the cooling of gas has been added
to the subresolution models describing the interstellar medium.
From the simulation outputs I have studied the eﬀect of having a dark matter halo
with either an NFW density proﬁle or a Hernquist density proﬁle. In the NFW proﬁles
the distribution of dark matter is truncated at some predeﬁned radius. This makes the
NFW haloes more concentrated than the Hernquist haloes since the same mass is con-
tained in both of the halo types for a given galaxy. The NFW proﬁles have thus steeper
gravitational potentials and denser matter distributions in their central areas, so the NFW
haloes thus induce stronger tidal forces and dynamical friction during the mergers. From
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the diﬀerences in the halo proﬁles follows that the evolution of the mergers with diﬀerent
dark matter proﬁles is not identical.
Four known observed mergers were reproduced with both NFW and Hernquist haloes
to analyze the eﬀect of the two types of dark matter haloes on the merging galaxies. From
the simulation snapshots of each merger the most realistic merger orientations and the
time of best ﬁt were determined by comparing the morphology and the velocity maps
with observations. I found by comparing the results of the two types of simulations, that
the steep gravitational potentials of the NFW haloes produced more prominent tidal tails
than the Hernquist haloes. Even though the NFW haloes would in theory induce stronger
dynamical friction, the more compact morphology of the disks within the Hernquist haloes
before the ﬁnal coalescence enables faster coalescence times in the Hernquist halo simula-
tions. Another inﬂuencing factor on the coalescence time scales of the mergers was also
the fact that the Hernquist haloes could not be put onto colliding orbits with as high a
velocity as the NFW haloes. The approach velocity of the galaxies with Hernquist haloes
was halved to prevent fast encounters, which also accelerated the orbital decay of these
galaxies. The NFW halo mergers experienced thus slower orbital decay, were more violent,
experienced higher star formation rates and produced thus 2− 17% more new stars than
the Hernquist halo mergers.
Another aspect I studied was the eﬀect of the updated subresolution models on the
star formation process in the merging galaxies. Now, as the star formation is regulated
by various feedback processes, the star formation rates vary both spatially and on much
shorter time scales than in the old star formation scheme. Variations by factors of a few in
the SFR between timesteps were common in the new SFR model, whereas the old model
regulated the SFR onto nearly a constant level. I analyzed also the metal yields in the
merger remnants of the Antennae galaxies, and found a metallicity gradient within the
inner 2 kpc from the center of mass of the remnant. A gradient was also present in the
oxygen abundance of the remnants, straightforwardly following the fact that oxygen is the
most abundant metal in the merger remnant. It must however be pointed out, that the
simulations in this Thesis were run with low mass resolution, with zero initial metallicity,
and with no initial stellar particles capable of feedback.
In the future I will be utilizing the numerical codes presented in this Thesis with higher
resolution initial conditions and with as realistic properties as possible. The gaseous and
stellar particles of the progenitor galaxies will be given initial metallicites, the stellar
populations will be assigned with ages, and supermassive black holes must be included
in the centers of the progenitors to allow for example AGN feedback to be modelled.
These realistic galaxy models can be used to study for example ULIRG, AGN and quasar
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triggering, quenching of star formation and the formation of elliptical galaxies. The code
can also be used to run cosmological simulations, where the merger progenitor galaxy
properties follow from the hierarchical evolution of matter. Cosmological simulations can
be used to study also objects other than the merger remnants themselves, such as dwarf
galaxies and the properties of dark matter haloes, mergers of more than two galaxies, and
for example galaxy interactions in galaxy clusters including ram pressure stripping and
the eﬀect of multiple fast encounters.
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